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Outline
From small to large scales

• Individual young stars — stages and classes


• Resolved stellar systems: multiplicity, clustering, and the IMF


• Unresolved systems: star formation rates and indicators



Single star formation
Rough overview of stages

A. No star formed yet, just a dense 
cloud of molecular gas (“core”)


B. Protostar exists and accretes, 
but dense dust hides star in the 
optical / IR — star not seen


C. Enough dust cleared that stellar 
surface is revealed; star still has 
a visible disc


D. All circumstellar dust and most 
of disc gone, but star still young
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The protostellar 
class system



The protostellar 
class system



Basic considerations for observing protostars
Motivation for the system we use

• Molecular cloud of mass 105 M⨀, size 20 pc corresponds to surface density 
~0.05 g cm−2


• Opacity to visible light ~103 cm2 g−1, so GMCs have τV ~ few; columns much 
higher toward denser regions


• Opacity less at longer wavelengths, τ ~ λ−2


• Dust at ~10 K emits at λ ≳ 400 μm; warm dust (T ~ 100 K) emits at λ ~ 50 μm


• This suggests that IR - visible SED is a good way of thinking about 
protostellar evolution



The SED class system
• Class 0: warm dust undetected or 

nearly so; energy output > 99% at λ > 
350 μm


• Class I: warm dust detectable, but 
central star still blocked by dust; SED 
slope > 0 from 2 - 25 μm


• Class II: enough gas gone that star is 
visible directly, but circumstellar 
material still contributes IR; SED 
slope −1.6 to 0


• Class III: no or very weak IR from 
circumstellar material, but still pre-
MS; SED slope < −1.6, expected for 
RJ tail

Fig. 1.— SEDs for a starless core (Stutz et al., 2010;
Launhardt et al., 2013), a candidate first hydrostatic
core (Pineda et al., 2011), a very low-luminosity object
(Dunham et al., 2008; Green et al., 2013b), a PACS bright red
source (Stutz et al., 2013), a Class 0 protostar (Stutz et al., 2008;
Launhardt et al., 2013; Green et al., 2013b), a Class I protostar
(Green et al., 2013b), a Flat-SED source (Fischer et al., 2010),
and an outbursting Class I protostar (Fischer et al., 2012). The +
and× symbols indicate photometry, triangles denote upper limits,
and solid lines show spectra.

Tbol begins near 20 K for deeply embedded protostars
(Launhardt et al., 2013) and eventually increases to the ef-
fective temperature of a low-mass star once all of the sur-
rounding core and disk material has dissipated. Chen et al.
(1995) proposed the following Class boundaries in Tbol: 70
K (Class 0/I), 650 K (Class I/II), and 2800 K (Class II/III).
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Fig. 2.— Comparison of Lsmm/Lbol and Tbol for the protostars
in the c2d, GB, and HOPS surveys. The PBRS (§4.2.3) are the
18 Orion protostars that have the reddest 70 to 24 µm colors,
11 of which were discovered with Herschel. The dashed lines
show the Class boundaries in Tbol from Chen et al. (1995) and in
Lsmm/Lbol from Andre et al. (1993). Protostars generally evolve
from the upper right to the lower left, although the evolution may
not be monotonic if accretion is episodic.

With the sensitivity of Spitzer, Class 0 protostars are rou-
tinely detected in the infrared, and Class I sources by α
are both Class 0 and I sources by Tbol (Enoch et al., 2009).
Additionally, sources with flat α have Tbol consistent with
Class I or Class II, extending roughly from 350 to 950 K,
and sources with Class II and IIIα have Tbol consistent with
Class II, implying that Tbol is a poor discriminator between
α-based Classes II and III (Evans et al., 2009).

Tbol may increase by hundreds of K, crossing at least
one Class boundary, as the inclination ranges from edge-on
to pole-on (Jorgensen et al., 2009; Launhardt et al., 2013;
Fischer et al., 2013). Thus, many Class 0 sources by Tbol

may in fact be Stage I sources, and vice versa. Far-infrared
and submillimeter diagnostics have a superior ability to re-
duce the influence of foreground reddening and inclina-
tion on the inferred protostellar properties. At such wave-
lengths foreground extinction is sharply reduced and obser-
vations probe the colder, outer parts of the envelope that
are less optically thick and thus where geometry is less
important. Flux ratios at λ ≥ 70 µm respond primar-
ily to envelope density, pointing to a means of disentan-
gling these effects and developing more robust estimates
of evolutionary stage (Ali et al., 2010; Stutz et al., 2013).
Along these lines, several authors have recently argued that
Lsmm/Lbol is a better tracer of underlying physical Stage
than Tbol (Young and Evans, 2005; Dunham et al., 2010a;
Launhardt et al., 2013).

4

Dunham+ 2014



More on classes
Class 0

• Often no detectable IR emission 
— so how do we know there is a 
protostar there at all?


• Answer: other signs, including:

• Presence of an outflow

• Molecular evidence of high-

speed shocks (e.g., SiO line 
emission)


• Compact unresolved dust 
structure down to < 100 au 
scales

36 notes on star formation

to it, and only by a very small amount. Thus the total light output
will still be dominated by the thermal emission of the dust at its
equilibrium temperature. The spectral energy distribution of the
source will therefore look just like that which prevailed before the
star formed.

Figure 2.1: An integrated intensity map
in CO(2 ! 1), showing material at
velocities between ±30 � 50 km s�1 (blue
and red contours, respectively) relative
to the mean. Contours are spaced at
intensities of 1 K km s�1. The outflow
shown is in the Taurus star-forming
region. Credit: Tafalla et al., A&A,423,
L21, 2004, reproduced with permission
© ESO.

However, there might be other indicators that a star has formed.
For example, the density distribution might show a very sharp,
unresolved peak. Another sign that a star has formed might be
the presence of an outflow, which, as we discuss in Chapter 14, all
protostars seem to generate. Outflows coming from the center of a
core can be detected in a few ways. Most directly, one can see bipolar,
high velocity structures in molecular emission (Figure 2.1). One can
also detect indirect evidence of an outflow, from the presence of
highly excited molecular line emission that is produced by shocks at
hundreds of km s�1. One example of such a line is SiO(2 ! 1) line,
which is generally seen in gas moving at several tens of km s�1 with
temperatures of several hundred K – this is taken to be indication
that emission in this line is produced in warm shocks. Since we
know of no processes other than formation of a compact object with
a & 100 km s�1 escape velocity that can accelerate gas in molecular
clouds to such speeds, the presence of such an outflow is taken to
indicate that a compact object has formed.

Fig. 1.— SEDs for a starless core (Stutz et al., 2010;
Launhardt et al., 2013), a candidate first hydrostatic
core (Pineda et al., 2011), a very low-luminosity object
(Dunham et al., 2008; Green et al., 2013b), a PACS bright red
source (Stutz et al., 2013), a Class 0 protostar (Stutz et al., 2008;
Launhardt et al., 2013; Green et al., 2013b), a Class I protostar
(Green et al., 2013b), a Flat-SED source (Fischer et al., 2010),
and an outbursting Class I protostar (Fischer et al., 2012). The +
and� symbols indicate photometry, triangles denote upper limits,
and solid lines show spectra.

Tbol begins near 20 K for deeply embedded protostars
(Launhardt et al., 2013) and eventually increases to the ef-
fective temperature of a low-mass star once all of the sur-
rounding core and disk material has dissipated. Chen et al.
(1995) proposed the following Class boundaries in Tbol: 70
K (Class 0/I), 650 K (Class I/II), and 2800 K (Class II/III).
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Fig. 2.— Comparison of Lsmm/Lbol and Tbol for the protostars
in the c2d, GB, and HOPS surveys. The PBRS (§4.2.3) are the
18 Orion protostars that have the reddest 70 to 24 µm colors,
11 of which were discovered with Herschel. The dashed lines
show the Class boundaries in Tbol from Chen et al. (1995) and in
Lsmm/Lbol from Andre et al. (1993). Protostars generally evolve
from the upper right to the lower left, although the evolution may
not be monotonic if accretion is episodic.

With the sensitivity of Spitzer, Class 0 protostars are rou-
tinely detected in the infrared, and Class I sources by �
are both Class 0 and I sources by Tbol (Enoch et al., 2009).
Additionally, sources with flat � have Tbol consistent with
Class I or Class II, extending roughly from 350 to 950 K,
and sources with Class II and III� have Tbol consistent with
Class II, implying that Tbol is a poor discriminator between
�-based Classes II and III (Evans et al., 2009).

Tbol may increase by hundreds of K, crossing at least
one Class boundary, as the inclination ranges from edge-on
to pole-on (Jorgensen et al., 2009; Launhardt et al., 2013;
Fischer et al., 2013). Thus, many Class 0 sources by Tbol

may in fact be Stage I sources, and vice versa. Far-infrared
and submillimeter diagnostics have a superior ability to re-
duce the influence of foreground reddening and inclina-
tion on the inferred protostellar properties. At such wave-
lengths foreground extinction is sharply reduced and obser-
vations probe the colder, outer parts of the envelope that
are less optically thick and thus where geometry is less
important. Flux ratios at � � 70 µm respond primar-
ily to envelope density, pointing to a means of disentan-
gling these effects and developing more robust estimates
of evolutionary stage (Ali et al., 2010; Stutz et al., 2013).
Along these lines, several authors have recently argued that
Lsmm/Lbol is a better tracer of underlying physical Stage
than Tbol (Young and Evans, 2005; Dunham et al., 2010a;
Launhardt et al., 2013).
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Figure 2.2: Sample spectral energy
distributions (SEDs) of protostellar
cores, together with the assigned class,
as collected by Dunham et al. (2014).

These are the earliest indications of star formation we have avail-
able to us. We call objects that show one of these signs, and do not
fall into one of the other categories, class 0 sources. The dividing
line between class 0 and class 1 is that the star begins to heat the
dust around it to the point that there is non-trivial infrared emission.
Before the advent of Spitzer and Herschel, the dividing line between
class 0 and 1 was taken to be a non-detection in the IR, but as more
sensitive IR telescopes became available, the detection limit went
down, and it became necessary to specify a dividing line in terms of
a luminosity cut. A source is said to be class 0 if more than 0.5% of
its total bolometric output emerges at wavelengths longer than 350
µm, i.e., if Lsmm/Lbol > 0.5%, where Lsmm is defined as the lumi-
nosity considering only wavelengths of 350 µm and longer (Figure
2.2).

In practice, measuring Lsmm can be tricky because it can be hard to
get absolute luminosities (as opposed to relative ones) correct in the
sub-mm, so it is also common to define the class 0-1 divide in terms
of another quantity: the bolometric temperature Tbol. This is defined
as the temperature of a blackbody that has the same flux-weighted
mean frequency as the observed spectral energy distribution (SED).
That is, if Fn is the flux as a function of frequency from the observed

Tafalla+ 2004; red and blue show CO 2→1 emission moving at 
velocities of 30 - 50 km s−1, much faster than normally seen in 
molecular clouds



More on classes
Class I - II

• Once detected in IR, classification from slope: 𝛼IR ≡ log[(𝜆F𝜆)20-25𝜇m / (𝜆F𝜆)2.2𝜇m]


• Why these wavelengths? Because they are what the IRAS satellite from the 
1980s used, and it was the first to observe large numbers of protostars!


• Class I: 𝛼IR > 0. Positive slope means more emission from longer wavelengths, 
so light we see is dominated by warm dust, not by the star


• Class II: −1.6 < 𝛼IR < 0. Negative slope means star is contributing a lot of light, 
but there is additional emission from dust in the IR as well; −1.6 is value 
expected for a bare stellar photosphere (why not −2?)



More on classes
Class III

• Near-IR SED now looks like a bare star, but there are still signs of youth:

• There may be additional far-IR emission (> 100 𝜇m), indicating cool dust far 

from the star

• Stellar radius larger / effective temperature lower than expected for a main 

sequence star

• Rapid rotation / high magnetic activity / high X-ray emission (all related)

• Lines in optical spectrum indicative of accretion, e.g., H𝛼 line seen in 

emission rather than absorption

• Presence of Li in stellar atmosphere — this gets destroyed in ≲ 1 M⨀ stars 

by ages of ~20-25 Myr



Brief note on nomenclature
• There is an almost entirely parallel naming system for young stars based on 

older, optical diagnostics, from the days before plentiful IR satellite data


• Most common: T Tauri stars, based on presence of certain optical lines. 
“Classical” T Tauri stars correspond roughly to class II objects, “weak line” T 
Tauri stars to class III. However, the mapping is not exact.


• Many other optical classifications exist. Some of the most common:

• Herbig Ae/Be stars — these are basically like T Tauri stars, just more 

massive, so they have spectra like an A or B star

• FU Ori stars — these are stars experiencing a burst of accretion; will return 

to these later in the course

• Many more… optical astronomers love to name things and invent 

classifications…



Statistics of young stellar populations
Resolved vs. unresolved

• An important distinction: a stellar population is resolved if we can see individual 
stars and measure their properties


• For more distant objects, the population is unresolved, meaning that we see only 
the collective light of the stars, but not individual stars


• Some statistics are more easily measured on one type of stellar population than 
on the other, and techniques tend to be different in the two cases 


• Usually we go from resolved to unresolved at distances of a few Mpc, but this 
depends which which stars we want to resolve (down to ~0.08 M⨀? to 1 M⨀? 
only massive stars?), how crowded the region is, and what wavelength we’re 
using to observe



Multiplicity properties
for resolved stars

• Many stars are members of multiple star 
systems (binaries, triples, quadruples, etc.)


• Multiplicity more common among more 
massive stars


• Can also examine many other statistics:

• Mass ratio distribution

• Period / semi-major axis distribution

• Eccentricity distribution

• Ratio of singles to binaries to triples to 

quadruples, etc.
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Figure 1:

Dependency of CF (red squares) and MF (blue triangles) with primary mass for MS stars and
field VLM objects. The horizontal errorbars represent the approximate mass range for each
population. For B and O stars, only companions down to q ≈ 0.1 are included. The frequencies
plotted here are the best-estimate numbers from Sections 3.1–3.5, also reported in Table 1.

5.1.3 Mass ratio distribution Although a simple power law representation is imper-
fect for most samples, this formalism offers the most straightforward criterion to compare

multiple systems of various masses. As shown in Figure 2, the observed distribution of mass
ratios is close to a flat distribution (|γ| ! 0.5) down to q ∼ 0.1 for all masses M! " 0.3M!,

extending to high-mass stars the conclusions of Reggiani & Meyer (2011). Below this limit,

the mass ratio distribution becomes increasingly skewed towards high-q systems. Further-
more, shorter-period systems among solar-type and low-mass stars have a steeper mass

ratio distribution than wider systems.

Many past studies have favorably compared the mass distribution of companions to that
expected from random pairing from the IMF for field objects. In this situation, and leaving

aside the “smearing” induced by broad ranges of primary masses (Tout 1991), γ should
increase from -2.3 (Salpeter’s slope) at the high-mass end to ∼ 0 around or below the

substellar limit, which does not match observations at any primary mass. Although a

proper comparison between observations and theory/simulations should be conducted on
the raw f(q) distributions rather than on estimated power law indices, the hypothesis of

random pairing from the IMF is robustly excluded by observations (see Figure 2). On the

other hand, the rarity of substellar companions to low-mass stars suggests an alternative
model in which the mass ratio distribution is flat between q = 1 and a minimum companion

mass, Mmin
sec , that is independent of the primary mass (at least up to M! ∼ 1.5M!) and
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Figure 5:

Left: Distribution of mass ratios as function of mass for nearby field objects with M! ≤ 1.5M!.
The dotted and dot-dashed curves indicate constant companions masses at the substellar and
planetary regime limits (0.075 and 0.013M!), respectively. Data for solar-type stars (green
diamonds), low-mass stars (orange triangles) and VLM objects (red plus signs) are from
Raghavan et al. (2010), the RECONS survey and Janson et al. (2012a), and the VLM binary
database, respectively. BD companions to low-mass stars identified outside of large-scale surveys
are shown as open orange triangles. The few systems with Mprim ≤ 0.5M! from Raghavan et al.
(2010) correspond to lower mass subsystems in hierarchical multiple systems. Right: Similar plot
for star-forming regions and young associations. Shown as gray diamonds in this plot are
companions to Class II/III objects in Taurus, Upper Scorpius and Chamaeleon I, using the large
surveys from Kraus et al. (2008, 2011), Kraus & Hillenbrand (2012), Lafrenière et al. (2008). In
addition, red open diamonds represent a number of objects discovered via small-scale surveys or
pointed observations with a particular emphasis on VLM primaries and/or companions.

Among visual companions, the stringent limits on the presence of substellar compan-

ions obtained a decade ago (≤1% ; e.g., Hinz et al. 2002, McCarthy & Zuckerman 2004,

Oppenheimer et al. 2001) applied to samples largely dominated by low-mass stars. More
recently, deeper surveys focusing on solar-type stars found potentially higher frequencies, al-

though the very small number of detections limits the robustness of this result (Carson et al.
2006, Leconte et al. 2010, Metchev & Hillenbrand 2009, Tanner, Gelino & Law 2010). It

remains unclear whether these substellar companions are a simple extension of the popu-

lation of companions below 0.075M!, as proposed by Metchev & Hillenbrand (2009), or
whether a distinct trough in companion mass is present at large separations as for short-

period systems. One approach to test whether there is a demarcating line between two

distinct populations of visual companions consists in studying the frequency of (very) low-
mass stellar companions to intermediate- and high-mass stars, which probe similar mass

ratios. In this context, we note the existence of a handful of planetary-mass objects around
intermediate-mass stars (Kalas et al. 2008, Marois et al. 2008) but an apparent dearth of

companions around the substellar limit (Janson et al. 2011, Vigan et al. 2012). Upcom-

26 Gaspard Duchêne & Adam Kraus



The IMF
Maybe the most important distribution astrophysics

• IMF = initial mass function: 
distribution of stellar masses at birth


• Can be measured in many ways — 
discussion deferred to later in class


• Important features: broad peak at 
~few x 0.1 M⨀, power law tail 
extending to high mass


• Surprisingly little variation; if not 
universal, then closer to it than one 
might expect

40 notes on star formation

chemically homogenous, so we need not worry about chemical
variations masquerading as mass variations.

A big problem for either method is correction for unresolved
binaries, particularly at the low mass end, where the companions
of brighter stars are very hard to see. When one does all this, the
result is the apparently universal or close-to-universal distribution
illustrated in Figure 2.4.4 The basic features we see are a break peak 4 There have been recent claims of IMF

variation from extragalactic observation,
which we will discuss in Chapter 12.

centered around a few tenths of M�, with a fairly steep fall off at
higher masses that is well fit by a powerlaw function with a slope
near �2.3. There is also a fall-off at lower masses, although some
authors argue for a second peak in the brown dwarf regime. This is a
difficult observational problem, both because brown dwarfs are hard
to find, and because their evolutionary tracks are less secure than
those for more massive stars.

Figure 2.4: Stellar initial mass func-
tions inferred for a wide variety of
regions in the Milky Way (data compi-
lation from Bastian et al. 2010). The left
panel shows young stellar populations
(age under ⇠ 5 Myr), while the right
panel shows older stellar populations in
open clusters (green), globular clusters
(red), and the Galactic field (black).
The names of the regions are as indi-
cated. The dotted black lines show the
Chabrier (2005) fit to the IMF (equation
2.3). Note that vertical offsets in the
plot are arbitrary, and the black dotted
lines have been normalized to match
the data at m = 0.5 M�. Finally, note
that for many regions the data become
incomplete below ⇠ 0.2 M�.

The functional form shown in Figure 2.4 has been parameterized
in a number of ways. Two of the most popular are from Kroupa



IMF parameterisations
Sorting out Salpeter, Kroupa, Chabrier, etc.

• Many published parameterisations of IMF. Two common ones (note m ≡ M/M⨀): 


• Older and extragalactic papers sometimes use Salpeter (1955): power 
powerlaw with slope −1.35 for all masses from 0.1 - 120 M⨀
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Stellar clustering
• Stars form closer to one another than the mean distance between old stars


• Some fraction of these overdensities will go on to be bound star clusters, but vast 
majority dissolve over ~10 Myr


• Huge range of densities, masses, etc.; masses distributed as roughly dN/dM ~ M−2
AA57CH07_Krumholz ARjats.cls August 7, 2019 10:20
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Figure 1
Images of a range of star clusters, along with NGC 1252, an object previously classi!ed as a cluster but now known to be an asterism.
The !eld of view in all frames is 3 pc × 3 pc, and North is up; angular sizes are indicated by scale bars. Panel a adapted from Robberto
et al. (2013); panels b from NASA and ESA; panel c from NASA and ESA, Davide De Martin (ESA/Hubble) and Edward W. Olszewski
(University of Arizona, USA); panel d from NASA, ESA, and STScI; panel e from ESO/Digitized Sky Survey; panel f from
ESA/Hubble and NASA, Gilles Chapdelaine; panel g from NASA, ESA, and the Hubble Heritage (STScI/AURA)-ESA/Hubble
Collaboration, J. Mack (STScI) and G. Piotto (University of Padova, Italy); panel h from WEBDA database, https://www.univie.ac.
at/webda/. Abbreviation: ONC, Orion Nebula Cluster.

1.1. Historical Background and Motivation
After four centuries sinceGalileo’s !rst observations, star clusters remainmysterious.What are the
unifying principles that govern the formation of globular and open clusters, groups, associations
and superassociations? As illustrated in Figure 1,1 clusters cover a huge range of mass, size, and
density scales. The clusters shown span ages from ∼1 Myr to >10 Gyr, and masses in the range
of ∼102–106 M#. Some are so compact and rich that stars become lost in confusion in the 3-pc
frames shown,whereas others are so sparse and extended thatmost clustermembers are outside the
frame. Some are classi!ed as open clusters (Arches,NGC 265,Hyades,Coll 261), some as globular
clusters (NGC 6535, 47 Tuc). The Orion Nebula Cluster (ONC) is still forming and, depending
on the author, might not even be classi!ed as a cluster at all. NGC 1252 had been classi!ed as
an open cluster since 1888, but in 2018 it was shown to be merely an asterism (Kos et al. 2018b).
Cluster formation is central to the star-formation process. Conceivably, all stars formed in groups,

1The source code and data tabulations used to produce all the !gures in this review are available at
https://bitbucket.org/krumholz/cluster_review/ and also are provided as Supplemental Source Code.
We make use of the following software packages: scipy (Oliphant 2007, Millman & Aivazis 2011),
matplotlib (Hunter 2007), astropy (Astropy Collab. et al. 2013), and SLUG (da Silva et al. 2012, Krumholz
et al. 2015b).
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Practice problem 1



Unresolved populations
What we can and can’t measure

• Measuring IMF for unresolved populations is possible but hard and uncertain 
— more on this later in the course


• Multiplicity nearly impossible to measure for unresolved populations


• Clustering measurable in semi-resolved cases, where one can resolve 
individual clusters but not individual stars — maximum distance ~100 Mpc, 
depending on limiting cluster mass one wants to measure


• Most common thing to measure: total star formation rate (SFR)


• For resolved populations, this is fairly easy: just count young stars! Unresolved 
populations are a bit trickier…



Theory of SFR measurement
Part I

• Consider a stellar population with a known, constant IMF dn/dm (= 1/m dn / d 
log m)


• Mean mass ⟨m⟩ = ∫ m (dn/dm) dm = ∫ (dn / d log m) dm


• Let L(m,t) be the luminosity (in some photometric band, line, etc.) of a star 
with initial mass m and age t


• Then the luminosity of a population of N stars, all of the same age t, is given 
by L(t) = N ∫ L(m,t) (dn/dm) dm. Since total mass is ⟨m⟩ N, luminosity per unit 
mass is (L/M)(t) = ⟨m⟩−1 ∫ L(m,t) (dn/dm) dm.



Theory of SFR measurement
Part II

• In a region where stars have been forming at a constant rate SFR for time T, 
total luminosity is L(T) = ∫T (L/M)(t) dt = (SFR / ⟨m⟩) ∬ L(m,t) (dn/dm) dm dt


• Swap order of integration, write L(T) = (SFR / ⟨m⟩) ∫ ⟨E⟩m,T (dn/dm) dm, where 
⟨E⟩m,T ≡ ∫T L(m,t) dt is the total energy radiated by a star of initial mass m by the 
time it reaches age T in whatever waveband / line L describes


• T usually unknown, but for some wavebands ⟨E⟩m,T is almost independent of T 
for large enough T. Example: ionising luminosity is negligibly small for all but 
very massive stars (m ≳ 20 M⨀), and for these stars ionising emission drops to 
~0 as soon as star leaves main sequence, so ⟨E⟩m,T ~ constant for T ≳ 5 Myr


• In this case we can treat ⟨E⟩m,T  as known, so SFR = L ⟨m⟩ / ∫ ⟨E⟩m,T (dn/dm) dm



SFR measurement
Caveats and warnings

• Method requires knowledge of both IMF (⟨m⟩, dn/dm) and stellar evolution 
(⟨E⟩m,T); measurement only as good as this knowledge


• Requires roughly constant SFR over time T probed by choice of waveband — 
may or may not be reasonable depending on region being examined and 
value of T


• Assumes stellar population is large enough that we can approximate 
luminosity as coming from a stellar population that samples all ages and 
masses — may not be a good assumption in small / low-SFR regions


• Plenty of examples in published literature of forgetting these warnings!



Recombination lines
SFR tracers I

• Ionising photons work well due to short 
lifetime, but can’t see directly: host 
galaxy and MW opaque


• However, can see lines produced when 
ionised gas recombines, and use these 
to work out ionising photon injection 
rate


• Examples: H𝛼, H𝛽 (optical), Pa𝛼, Pa𝛽 
(IR), H66𝛼 (radio)


• Biggest caveat: dust extinction

44 notes on star formation

Figure 2.6: Example spectra of galaxies
of varying Hubble type. In each panel,
the galaxy name and Hubble type are
listed. Credit: Kennicutt (1992), © AAS.
Reproduced with permission.

Kennicutt 1992

H𝛼 (656 nm)

H𝛽 (486 nm)



Example galaxy: 
NGC 628
Orange = H𝛼 
Blue = CO 2→1 
Kreckel+ 2019

Figure 1. Our ALMA CO (2–1) (blue) and MUSE Hα (orange) intensity maps cover the central 8.5×11.3 kpc2 star-forming disk of NGC 628 at 47 pc resolution
(middle panel). GMCs and H II regions are clearly resolved into discrete structures. A zoom-in region highlights the diffuse Hα emission surrounding compact H II
regions (top-left panel), which we model (top-right panel) and subtract, and demonstrates with simplified ellipses (bottom panels) the cataloged GMCs (blue) and H II
regions (orange).
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The Astrophysical Journal Letters, 863:L21 (7pp), 2018 August 20 Kreckel et al.



Radio free-free
SFR tracers II

• Same regions that produce recombination lines also produce free-free 
emission (also called bremsstrahlung); can convert observed luminosity to 
ionising photon injection rate as for recombination


• Big plus: free-free is in radio, so dust opacity is negligible — preferred tool for 
highly-obscured regions like toward Galactic centre


• Big minuses:

• Not a line, so can be confused with other continuum-producing processes 

at similar wavelengths (most often, synchrotron emission)

• Much fainter than recombination lines, so very hard to detect outside MW



IR continuum
SFR tracers III
• In very dusty regions / galaxies, 

almost all starlight is absorbed 
by dust and re-emitted in IR, so 
IR luminosity ≈ total luminosity


• For actively star-forming 
galaxies, total luminosity 
dominated by massive stars, 
reaches saturation at ~10 Myr → 
good SFR indicator


• Caveat: dust heating by old stars 
and AGN

et al. (1998, their Fig. 9), Tagaki et al. (2003b, their Fig. 8), and
Siebenmorgen&Krügel (2007, their Fig. 5) to name a few.While
all these models (including our own) can be seen to fit quite rea-
sonably the available observations of Arp 220, they differ in their
model parameters, making direct comparisons difficult. However
the main physical conclusions drawn from the models are the
same, and comparisons here can give insight into both the models
and Arp 220 itself.

All models suggest a SFR for Arp 220 of !300M" yr#1. We
derive a SFR of 315 M" yr#1, which can be compared with the
270M" yr#1 obtained by Shioya et al. (2001), 260M" yr#1 from
Tagaki et al. (2003a), and 580M" yr#1 from Silva et al. (1998).

In connection with this is the total luminosity of Arp 220,
which is log L$ ¼ 12:16(L") in our models, close to the value of
12.1 of Tagaki et al. (2003a) and Siebenmorgen &Krügel (2007)
and just below the value of 12.4 from Silva et al. (1998). For the
total stellar mass of Arp 220we obtain logM$ ! 10:5(M"), higher
than the previous SEDmodel estimates of 10.4 (Silva et al. 1998)
and 10 (Tagaki et al. 2003a), but due to the low mass-to-light
ratio of our older stellar component (x 6.2), this value is some-
what uncertain. All these values indicate that both our model and
fit to Arp 220 are at least consistent with previous models and
suggest the true values for Arp 220.

One well-known detail of Arp 220 is its very high nuclear ex-
tinction; AV ! 30 (Shioya et al. 2001; Spoon et al. 2004) has
been estimated and even higher estimates from models exist
(Siebenmorgen & Krügel 2007). This illustrates a limitation of
our fitting procedure. The derived AV is determined essentially
from fitting the attenuation of the older stellar population, not the
nuclear region. When both the 9.7 and 18.0 !m silicate absorp-
tion features are observed along with optical or near-IR stellar
continuum, we could then modify our fitting procedure to first fit
the AVof a foreground screen for the H ii regions + PDRs implied
by the depth of the silicate absorption and then apply a second,
more optically thin foreground screen to match the extinction of
the older stars seen in the visible-UV part of the spectrum.

In order to test the effect on the fitting parameters, we have
made such a model, which we present in Figure 20. This model,

with AV ¼ 20mag for the starburst component and AV ¼ 2:2 for
the older stars certainly fits the region of the silicate absorption
features better and allows a much larger fraction of compact H ii
regions; fUCH ii ! 0:7, implying that !41% of all stars younger
than 1.0 Myr are found in compact H ii regions.

The fact that we derive a lower AV for the starburst than other
authors is not surprising, since the attenuation law that we use
provides greater attenuation in the IR and less in the UV than a
standard extinction law, thanks to the patchy nature of the fore-
ground screen. What is surprising is the reduction in the strength
of the emission lines in the visible and UV regions of the spec-
trum. This is caused by the much larger nuclear attenuation, and
shows that the equivalent widths of the IR emission lines com-
pared with the visible or near IR emission lines may be used as a
sensitive diagnostic of nuclear extinction.

It should be noted that, while Arp 220 is one of the predom-
inantly used starburst templates, there is increasing evidence that
this object is not a good representative for high-z star-forming
galaxies (see, e.g., Menéndez-Delmestre et al. 2007). Rather,
less extreme objects such as M82 or NGC 6240 are better local
analogs of the high-z actively star-forming objects such as sub-
millimeter galaxies.

8.3. Fitting Spitzer IRS Spectra

As a final example of the fitting process, we compare our fit
with the detailed Spitzer Space Observatory IRS low-resolution
spectra of NGC7714 fromBrandl et al. (2006). The fit is shown in
Figure 21.Note that this object has amuch lower SFR (8.0M" yr#1)
than the previous two examples. The SFR is very well constrained
by the normalization process and can be determined to an accuracy
of better than 5%, assuming that the IRS aperture integrates the
full extent of the star-forming region.

For this object, the older stellar component is not well con-
strained, as the IRS spectra do not quite extend to short enough
wavelengths to measure it. In addition, because the attenuation
is not enough to produce appreciable 9.7 !m silicate absorption

Fig. 19.—Standard fit to the starburst galaxy Arp 220. [See the electronic
edition of the Supplement for a color version of this figure.]

Fig. 20.—Double foreground dust screen fit to the starburst galaxy Arp 220.
The screen around the starburst nucleus has AV ¼ 20 mag, and the diffuse older
star component has an attenuation of AV ¼ 2:2. The fit around the silicate ab-
sorption features is improved in this more complex model. [See the electronic
edition of the Supplement for a color version of this figure.]

MODELING PAN-SED OF STARBURST GALAXIES. IV. 453No. 2, 2008

Arp 220 observed SED (boxes) plus model fit (line); Groves+ 2008

MIR
FIR



FUV continuum
SFR tracers IV

• O and B stars produce significant 
FUV (~130 - 170 nm)


• Saturates at ~30 - 50 Myr, so can 
be used as SFR indicator on those 
timescales


• Good: more sensitive to low levels 
of SF than H𝛼 or similar; near-zero 
background


• Bad: space-only, very vulnerable to 
dust extinction

NGC 5055 in FUV; Thiker+ 2007

which has an obvious color gradient as a function of galacto-
centric distance, rg (FUV! Ks decreasing with rg). The form
of this gradient is such that in the outermost part of the disk
FUV! Ks " 4). However, the spatial extent of this blue ‘‘fringe’’
is small, and S(LSB)/S(K80) < 1. Figure 5 also illustrates the dif-
ficulty of distinguishing distant background galaxies from bona
fide outer disk clusters in the case of isolated UV clumps, not
belonging to a structure such as a clump complex or filamentary
feature. A few examples of isolated UV-bright sources with little
or no optical emission can also be seen in Figure 5. Recall that
our Type 1 definition requires structured UVemission features

and therefore may ( lacking substantially higher resolution UV
observations) miss some galaxies that do support sporadic outer
disk SF at such a low level that it occurs only in isolated, unresolved
clumps. Such missed XUV-disk galaxies may be represented by
the emission-line dot (‘‘EL Dot’’) phenomenon (Ryan-Weber
et al. 2004; Werk et al. 2007).

Figure 6 shows a second example of a galaxy not classified
as an XUV-disk. NGC 4736, a nearby (R)SA(r)ab; Seyfert 2
LINER galaxy, has an inner SF ring contained by the Ks-band
contour ( yellow line), complemented by an extensive one-arm
spiral composed of UV-bright clumps starting at the circumnuclear

Fig. 3.—FUV-NIR imagery and classification contours for XUV-disk galaxy NGC 5055 (M63), a prototype for our Type 1 class. On the left we show the GALEX
FUV image of the galaxy. On the right we show the 2MASS Ks-band, DSS2-red, and DSS2-blue imaging (as RGB channels) for an identical field of view (3D25 ¼
37:50 ¼ 89:4 kpc at 8.2 Mpc). Contours are the same on both images. At the green line, the FUV surface brightness (corrected for Galactic foreground extinction and
measured at 1 kpc resolution) is !FUV ¼ 27:25ABmag arcsec!2. This is the position at which (apparent?) star formation threshold mechanisms are thought to become
important. The yellow contour encloses 80% of the Ks-band luminosity of the galaxy, defining the effective extent for the old stellar population. Note the structured
UV-bright emission features beyond the green (UV) contour, which give this galaxy the Type 1 XUV-disk designation.

Fig. 4.—FUV-NIR imagery and classification contours for Type 2 XUV-disk galaxy NGC 2090. We observe a rather large blue LSB zone, which dominates the
spatial extent of the galaxy despite being of low (optical) surface brightness. The image passbands and contour types are identical to those of Fig. 3. The field of view
spans 3D25 ¼ 12:90 ¼ 42:4 kpc at 11.3 Mpc.

XUV-DISK GALAXIES IN THE LOCAL UNIVERSE 547No. 2, 2007



Combined estimators
SFR tracers V

• Most reliable estimators use multiple bands, usually one to capture dust-
obscured star formation and one to capture unobscured


• Common examples: H𝛼 (ground) + 24 𝜇m (Spitzer), FUV (GALEX) + 24 𝜇m 
(Spitzer), H𝛼 (ground) + 160 𝜇m + 250 𝜇m (Herschel), etc.


• Important note: combined estimators essentially all require some form of 
space-based data — no real way to get dust-reprocessed IR contribution 
from the ground



SFRs for resolved populations
Possible as well, but very different method

• Can also measure SFR for resolved populations by directly counting 
protostars


• Lifetime of class I is tI ~ 0.5 Myr, and typical mass MI ~ 1 M⨀, so in a region 
containing NI class I YSOs, rough estimate of SFR is SFR ~ NI MI / tI


• This is perhaps the most unbiased estimator of SFR available, but significant 
systematic uncertainty since it depends on both mean mass of class I 
protostars and the duration of the class I phase



Practice problem 2


