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Why magnetic fields?
A very cursory primer on plasma physics

• Molecular gas is mostly neutral; however, CRs produce a small free charge 
fraction — typically ~10−6 at GMC densities


• However, only a tiny free charge density is require to make a plasma a very 
good conductor; a molecular cloud is about as conductive as copper wire


• When a conductive fluid feels forces (e.g., pressure, gravity), the light electrons 
and heavy ions generally do not want to move in the same way; the resulting 
charge separations produce electric potentials that cause currents to flow — 
and any time there is current, there will be magnetic fields


• Thus magnetic fields are inevitable whenever one has moving, conductive fluids



Detecting B fields
The Zeeman effect

• Most direct method is Zeeman 
effect: splitting of degenerate 
energy levels by magnetic field


• Simplest example is LyA line of H:

• With no B field, one line 

corresponding to 2p (g = 4) → 1s 
(g = 2) transition


• In presence of B field, energy 
depends on orientation of 
electron spin and orbit relative to 
field → 6 distinct lines Zeeman effect in mercury vapour (from wikipedia): (A) 

spectral lines with no magnetic field; (B) and (C) with 
magnetic field oriented transverse and long line of sight 



Zeeman effect in molecular clouds
Zeeman sensitivity and splitting

• Many molecules are “Zeeman sensitive”, meaning that they have levels that split, 
usually due to an unpaired outer shell electron; examples: OH, CN, CH


• Most common case: one line to splits into 3, corresponding to angular momentum 
vector aligned with field, anti-aligned with field, transverse to field; frequency shift 
characterised by Zeeman sensitivity parameter Z: ∆𝜈 = ±BZ


• Example: for OH, Z = 0.98 Hz / 𝜇G, so for typical ~10 𝜇G field, split is ~10 Hz


• This is generally much smaller than the Doppler broadening: for OH 𝜈0 = 1.67 GHz, 
so velocity dispersion 𝜎v = 0.1 km/s induces frequency dispersion 𝜎𝜈 = (𝜎v/c) 𝜈0 ≈ 1 
kHz, so line is not visibly split — so how do we detect the splitting?



Measuring the Zeeman split
Polarisation to the rescue

• Zeeman shift set by orientation of angular 
momentum vector, but this also determines 
angular momentum of emitted photon


• Consequence: sub-levels make lines with 
different circular polarisations!


• Can separately measure each polarisation, 
then take difference to detect shift; amount of 
shift directly measures B field strength


• Important note: since only the component of 
the field along the line of sight causes 
polarisation, we measure only this component
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(a) CN Zeeman Stokes I and V profiles toward DR21(OH) (Crutcher et al. 1999). The two velocity components were fitted
simultaneously for the seven hyperfine CN lines to derive the independent BLOS for each velocity component. Because the hyperfine
components have different Zeeman coefficients Z, this procedure separates Zeeman splitting from instrumental effects. The middle
panel shows the observed and fitted Zeeman spectra for the four hyperfine components with large Z, whereas the bottom panel shows
the fit for the three hyperfine components with small Z. (b) CARMA map of velocity-integrated CN toward DR21(OH) (N. Hakobian,
R.M. Crutcher, in preparation). Contours are CN, color is dust continuum emission, and the dotted circle is the footprint of the CN
Zeeman IRAM 30-m telescope beam. The CN velocity component at V LSR ≈ −5 km s−1 is strongest in the DR21(OH) MM1, MM2
region (stars) in the northeast, where the strongest dust emission is found. Although the V LSR ≈ −1 km s−1 velocity component peaks
∼40 arcsec southwest of the 30-m telescope pointing position near the DR21(OH)W dust peak (star), it is widely distributed and has
about half the strength of the −5 km s−1 component within the IRAM 30-m beam. About 50% of the single-dish CN flux is detected
by CARMA, suggesting that interferometric Zeeman mapping is possible. Abbreviation: LSR, local standard of rest.

of the Arecibo telescope (3 arcmin) that was used reduced the possible effects of beam averaging
that might be important for results obtained with smaller telescopes, and the analysis used all
observations rather than just detections.

Finally, Falgarone et al. (2008) carried out a CN Zeeman survey of dense molecular cores.
Figure 4 shows an example of the data. Together with earlier CN Zeeman observations (Crutcher
et al. 1996, 1999), there were 14 positions observed with significant sensitivity and 8 CN Zeeman
detections. The analysis techniques were similar to that of the OH dark cloud survey (Troland &
Crutcher 2008). The mean M/! was supercritical by ∼3 and M A ∼ 1.5.

7.2. Analysis
In spite of a range of molecular cloud physical conditions and types being observed, the results of
all of the Zeeman studies described above are very similar: (a) the mean mass-to-flux ratio M/!
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Example Zeeman 
detection for CN 
(Crutcher 2012); the line 
has 7 subcomponents, 4 
with large Z and 3 with 
small Z. 

(A) total intensity, shifting 

all 7 components to lie 
at the same velocity.


(B) difference in intensity 
between left and right 
circular polarisation, 
for 4 large Z 
components.


(C) same as (B) for for the 
3 small Z components.



Dust polarisation
A second method of detecting B fields

• Interstellar dust grains both emit and absorb light


• In general they are not spherical, so they emit or absorb more efficiently for 
light with linear polarisation along the long axis of the grain


• If grains are randomly oriented, there is no net effect, since averaging over 
many grains in different orientations averages out the efficiency


• However, in presence of B field, if grains are charged they can become 
preferentially aligned relative to field, so cancellation is imperfect: causes 
emitted or absorbed light to become linearly polarised


• Only sensitive to component of B field in the plane of the sky, not along LOS



The CF method
Estimating the field strength

• Polarisation vectors show 
direction of magnetic field, but not 
strength


• However, can estimate strength 
based on how much the vectors 
vary — called the Chandrasekhar-
Fermi method


• Basic idea: if field is very strong 
compared to turbulence, 
magnetic tension holds field 
straight; if it is weak, field bends
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Figure 3
(a) NGC 1333 IRAS4A magnetic field with short Submillimeter Array (SMA) baselines (Girart, Rao & Marrone 2006). Dust emission
flux is shown as white contours and color, whereas the red vectors show the magnetic field in the plane of the sky. (b) NGC 1333 IRAS4A
magnetic field with only long SMA baselines (S-P Lai, unpublished), which is sensitive only to small-scale structure. White contours
show dust emission flux, colors show polarized flux, and red vectors show the magnetic field in the plane of the sky. The negative flux
contours are due to the missing flux that is filtered out by the interferometer. The separation of the two intensity peaks is ∼400 AU.

S-P Lai (unpublished information) has observed NGC1333 IRAS4A with the longest baselines
of the SMA. A map that excludes the shorter baselines is shown in Figure 3b; without the short
baselines, larger-scale spatial structure is filtered out. The inner parts of the hourglass morphology
are detected, but in addition, the magnetic field is orthogonal to the axis of the hourglass to the
southeast and northwest. This is interpreted as a toroidal magnetic field due to rotation of a
protoplanetary disk in the inner parts of the system.

On larger spatial scales (10 arcsec), Attard et al. (2009) mapped the dust continuum polarization
at 350 µm with the SHARP polarimeter on the CSO single dish; they found that the polarization
pattern was fairly uniform with the magnetic field aligned along the hourglass axis seen with the
SMA. Thus, the hourglass pinch is indeed a pinch in a larger-scale uniform magnetic field. They
also mapped HCN J = 4–3 emission and found inverse P Cygni profiles, indicating collapse
velocities of 0.64 km s−1 over an area about four times larger than the magnetic pinch and an
age of the infalling envelope of ∼2 × 105 year. Their CF analysis yielded BPOS ≈ 1.4 mG in the
extended envelope and M/! ≈ 0.44 or subcritical, which is inconsistent with the observed infall.
This is perhaps indicative of the uncertainties in results based on the CF method.

Houde et al. (2009) applied their more sophisticated CF technique (Section 4) to SHARP CSO
data for OMC1. They found BPOS ≈ 760 µG, which is comparable to the BLOS ≈ 360 µG from a
CN Zeeman observation (Crutcher et al. 1999), and commented that the result with the original
CF technique would be BPOS ≈ 3.5 mG. They further found that the ratio of the turbulent to
regular magnetic field was about 0.5 and that the turbulent correlation length δ ≈ 16 mpc. This
δ should be closely related to the scale on which the ionized and neutral components of the gas
decouple due to turbulent ambipolar diffusion. This scale was determined to be 10 mpc by Houde
et al. (2011) from a SMA polarization map of Orion KL. They also analyzed the Girart, Rao &
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Dust thermal emission (colour and contours) with 
polarisation vectors (red lines) (Crutcher 2012)



Magnetised flows
The magnetic Reynolds number

• Basic equation describing evolution of magnetic field is induction equation:


• If resistivity is independent of position, this simplifies to


• Final term has exact same form as viscosity term in momentum equation, so 
by analogy with Reynolds number, define magnetic Reynolds number:

@B

@t
+r⇥ (B⇥ v) = �r⇥ (⌘r⇥B)
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Magnetic field Velocity Resistivity
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Length scale of flow
Velocity scale of flow



The significance of Rm
Part I

• To understand why Rm matters, consider the magnetic flux 𝛷 threading a fluid 
element of area A with normal vector n:


• The time derivative of this is


• N.B. In second line we exchanged dot and cross products using ∇・B = 0 

� =

Z

A
B · n̂ dA
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Change in flux due to B field changing

Change in flux due to fluid element moving

v × dl = area per time swept out by element dl 
of the boundary of A as it moves



The significance of Rm
Part II

• Now apply Stokes theorem to second term:


• Note that integrand now is just LHS of induction equation, so we can replace 
it with the RHS; for constant resistivity, this is:


• Implication: in the limit Rm → ∞, then d𝛷 / dt → 0; flux is frozen into a fluid 
element, and cannot change over time: “beads on a wire”
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Resistivity of a molecular cloud
A very brief sketch

• Resistivity 𝜂 related to conductivity 𝜎 by 𝜂 = c2 / 4𝜋𝜎; conductivity is relates 
current density J and applied electric field E: J = 𝜎E


• Current is carried by electrons, J = e ne ve, so 𝜎 = e ne ve / E 


• Electron speed ve set by balance between electric acceleration and scattering 
by H2 molecules; acceleration ~ E, so we have ve ~ E and 𝜎 independent of E


• Detailed calculation gives


• For L ~ 10 pc, V ~ few km s−1, Rm ~ 1016!

� =
nee2

menH2 h�vie�H2

⇠ 10�17x s�1
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⌘ ⇠ (103/x) cm2 s�1
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Ionisation fraction, typically ~10−6

Electron - H2 cross section times velocity, 
averaged over Boltzmann distribution



The Alfvén Mach number
The last dimensionless number today… I promise

• Momentum conservation including Lorentz forces is


• Order of magnitude estimate of terms:


• Use the last term to define the Alfvén Mach number:


• ℳA  describes magnetic forces: ℳA ≫ 1 unimportant, ℳA ≪ 1 dominant
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Why the Alfvén Mach number matters
in one picture

84 notes on star formation

and if we make order of magnitude estimates of the various terms in
this, we have

rV2

L
⇠ �rV2

L
+

rc2
s

L
+

rnV
L2 +

B2

L
(5.16)

1 ⇠ 1 +
c2

s
V2 +

n

VL
+

B2

rV2 (5.17)

The second and third terms on the right hand side we have already
defined in terms of M = V/cs and Re = LV/n. We now define our
fourth and final characteristic number,

MA ⌘ V
vA

, (5.18)

where

vA =
Bp
4pr

(5.19)

is the Alfvén speed – the speed of the wave that, in magnetohydro-
dynamics, plays a role somewhat analogous to the sound wave in
hydrodynamics. In flows with MA � 1, which we refer to as super-
Alfvénic, the magnetic force term is unimportant, while in those with
MA ⌧ 1, referred to as sub-Alfvénic, it is dominant.

For characteristic molecular cloud numbers n ⇠ 100 cm�3, B
of a few tens of µG, and V of a few km s�1, we see that vA is of
order a few km s�1, about the same as the velocity. Thus the flows
in molecular clouds are highly supersonic (M � 1), but only trans-
Alfvénic (MA ⇠ 1), and magnetic forces have a significant influence.
These forces make it much easier for gas to flow along field lines
than across them, and result in a pattern of turbulence that is highly
anisotropic (Figure 5.2).
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TABLE 1
Dissipation Characteristics of Saturated MHD Turbulence

Model b 3 2E/rL cs 3 2E /rL cK s dEB/EK tdiss/tfa aKt /tdiss f tdec/tfa aKt /tdec f

A . . . . . . 0.01 20.3 13.0 0.56 0.83 0.54 0.82 0.65
B . . . . . . 0.1 18.9 11.8 0.61 0.74 0.46 0.69 0.39
C . . . . . . 1.0 17.0 12.9 0.32 0.70 0.53 0.58 0.37
D . . . . . . ` 15.4 15.4 0 0.69 0.69 0.40 0.40

a The variables tdiss, , tf, tdec, and are defined in the text.K Kt tdiss dec

Fig. 2.—Images of the logarithm of the density (colors) on three faces of the computational volume, representative magnetic field lines (dark blue lines), and
isosurface of the passive contaminant (red) after saturation. Left: ; right: .b 5 0.01 b 5 1

the four models displayed. From the values in the table, the
change in E with b is not large, amounting to only a ª30%
increase in the E saturation amplitude as b varies from ` to
0.01. The dissipation times for saturated turbulence all lie in
the range ª0.5–0.8tf, with slightly longer dissipation times for
stronger B0 models.
The structure of driven compressible MHD turbulence

changes as the field strength is varied. Figure 2 shows the
logarithm of the density along three faces of the computational
volume, representative magnetic field lines, and an isosurface
of the passive contaminant after saturation for both b 5 0.01
and models computed at a resolution of 2563. In bothb 5 1
cases, the density is compressed into small-scale knots and
filaments; in the model, these are elongated in theb 5 0.01
direction parallel to the field. The mass-weighted (volume-
weighted) mean of in the strong magnetic field modellog (r/r )0
is 0.28 (20.29), whereas for the weak field model it is 0.20
(20.22), which indicates that the density contrasts are larger
for strong fields at fixed turbulent Mach number. The maximum
density in the strong field model is 83; for the weak field model,
it is 44. The passive contaminant is confined to a narrow range
of flux tubes for , indicating that cross-field diffusionb 5 0.01
is small; for , it diffuses isotropically.b 5 1
There is a tendency toward equipartition of kinetic and mag-

netic energy in all of the models. From Table 1, the turbulent
magnetic energy dEB is between 30% and 60% of EK. In the
weak field case, significant amplification of the magnetic field
is produced by the turbulence, so that after saturation, the en-

ergy in the fluctuations in the field is 10 times larger than that
in the mean field. In the weakly magnetized model, the field
lines are thoroughly tangled (Fig. 2, right). In the strong field
model, the field lines are relatively well ordered (Fig. 2, left),
as expected (e.g., Weiss 1966).
Next consider models of decaying turbulence. The initial

conditions are taken from the saturated driven models presented
above. Figure 1b shows the evolution of E for decay from
saturated initial conditions for various magnetic field strengths.
At late times the decay of E follows a power law in time, with
an index between 0.8 and 0.9 (consistent with the finding of
Mac Low et al. 1998). This implies that the dissipation time
varies with time. We define decay times tdec ( ) as the timeKtdec
taken for 50% of the initial energy (kinetic energy) to be lost;
values for the decay time in these decay runs are given in Table
1. For all models, the decay times are in the range 0.4–0.8tf,
comparable to the range of steady state dissipation times.
The decay rate measured here could in principle differ sub-

stantially from decay simulations that begin with unsaturated
initial conditions. To investigate this possibility, we have com-
puted the decay of supersonic turbulence from initial conditions
in which the magnetic and velocity field perturbations are taken
from the saturated, driven model A, but the density is reset to
a uniform value. The result is plotted as a dashed line in Figure
1b. The corresponding decay times are andt /t 5 0.80dec f

, nearly identical to those for model A’s decay.Kt /t 5 0.68dec f

Finally, to make contact with other studies of decayingMHD
turbulence, we have performed simulations that begin with a
uniform density and magnetic field and velocity perturbations
that follow a k22 spectrum normalized to have the same initial
energy as our driven turbulence simulations at saturation. The
result is shown as a dotted curve in Figure 1b; the decay times
for this model are and , again compa-Kt /t 5 1.0 t /t 5 0.6dec f dec f

rable to the other dissipation times that we have found. Thus,
we conclude that turbulent decay times are not strongly affected
by specifics of initial conditions. The energy decay times found
for -dimensional models (Ostriker et al. 1998) are a factor12 2

Figure 5.2: Simulations of sub-Alfvénic
(left) and Alfvénic (right) turbulence.
Colors on the cube surface are slices of
the logarithm of density, blue lines are
magnetic field lines, and red surfaces
are isodensity surfaces for a passive
contaminant added to the flow. Credit:
Stone et al. (1998), © AAS. Reproduced
with permission.

Stone+ 1998

ℳA ≪ 1 ℳA ≫ 1



Non-ideal MHD effects
Why and where

• We call the regime where Rm ≫ 1 ideal MHD — perfect flux freezing; 
deviations from this are non-ideal MHD effects


• Resistivity is the simplest non-ideal effect, but it is generally unimportant in 
star-forming regions, as we will show in a moment


• Two most important for star formation are (probably) ion-neutral drift (also 
called ambipolar diffusion) and turbulent reconnection


• Other non-ideal effect sometimes considered is Hall effect, but we will not 
discuss it in this class; maybe important in discs, but not elsewhere



Ion-neutral drift
The basics

• Only ions feel the Lorentz force from the magnetic field; ions then transmit 
force to neutrals via collisions


• If ion density is low enough, neutrals may go a long time before colliding with 
an ion; consequently, appreciable differences between ion and neutral 
velocities can build up


• Since B field is tied to ions, this effect allows the neutrals (which dominate the 
mass) to “slip through” the magnetic field lines — violation of flux freezing


• This effect is potentially critical to explaining weak B fields of stars (see 
homework)



Ion-neutral drift
Calculation of the effective resistivity I

• Ions feel Lorentz force and drag force:


• Since ion density is very low, reasonable to approximate that they have no 
inertia, are always in balance between these forces, so drift speed is


• Assume Rm = ∞ for ions alone, so induction equation for magnetic field is

fL =
1

4⇡
(r⇥B)⇥B
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Drag coefficient; set by 
microphysics, 𝛾 ≈ 9 × 10−13 cm3 s−1 Neutral and ion densities

Difference in ion and 
neutral velocities

vd = vi � vn =
1

4⇡�⇢n⇢i
(r⇥B)⇥B
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Ion-neutral drift
Calculation of the effective resistivity II

• Starting from induction equation for ions, replace ion velocity with neutral 
velocity using calculated drift speed:


• Recall induction equation with resistivity is                                            , so 
term on RHS looks like a (non-constant, vector) resistivity


• Just taking an order of magnitude estimate for analysis purposes, we have
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Ion-neutral drift
Ionisation fraction and dissipation scale

• Typical ionisation fraction at a density of n ~ 100 cm−3 is ~10−6, so 𝜌n ~ 100 
mH, 𝜌i ~ 10−6𝜌n → for L ~ few × 10 pc, V ~ few km s−1, B ~ 10 𝜇G, we have 
Rm ~ 50


• Can also define an associated ion-neutral dissipation length scale = value of L 
for which Rm ~ 1; this is Lin ~ 0.1 pc


• Physical meaning: B field frozen in to matter on larger scales, but on small 
scales neutrals are able to slip through field lines



Turbulent reconnection
• Reconnection occurs when 

magnetic field lines of opposite 
direction are forced into each 
other by the flow; the field 
rearranges its topology


• Expected reconnection rate for 
high Rm is very low, but 
observed reconnection rates in 
laboratory plasmas and Solar 
flares are much faster than 
expected — not understood


• May occur in molecular clouds 
too; currently not known 



Turbulent reconnection
A second possibility

• Reco


