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Outline
• Observational phenomenology

• Challenges

• Massive clumps

• Massive cores


• Fragmentation and binarity


• Feedback and barriers to accretion

• Winds

• Ionisation

• Direct radiation pressure

• Indirect (dust-reprocessed) radiation pressure



Challenges
Why we know less about massive star formation

• Massive stars rare compared to low-mass stars, so closest sites further from 
Earth — closest is Orion (400 pc), next closest regions are all > 1 kpc away


• Confusion: massive stars tend to be at dense centres of clusters, e.g., central 
density of ONC is 105 pc−3 → mean interstellar distance ~5000 AU


• Obscuration: mean central density in massive star forming regions ~0.1 - 1 g 
cm−2, corresponds to 5 - 50 mag at K band


• Timescales: high density and strong feedback means very fast evolution, so 
we go straight from class 0 or I to main sequence; no class II or III phase



Class exercise: given column density, at what 
wavelengths would you expect to see massive clumps 

in emission vs absorption? Does this depend on 
whether they have an embedded massive star?



Massive clumps
Sites of massive star formation

• High optical depth → massive SF sites 
often seen in NIR absorption: “infrared 
dark clouds” (IRDCs)


• Can be observed in emission in mm


• Can in in absorption or emission at 
MIR, depending on whether there is 
already an embedded massive star


• In molecular lines, very high line width, 
~1 - 2 km/s
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Figure 18.1: A typical infrared dark
cloud (IRDC). The left image shows
Spitzer/IRAC (near-IR), where the cloud
is seen in absorption against the galactic
background, while the right image
shows Spitzer/MIPS (mid-IR), where
parts are seen in absorption and parts
in emission. The white contours, which
are the same in both panels, show mm
continuum emission from cold dust.
Credit: Rathborne et al. (2006), ©AAS.
Reproduced with permission.
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Rathborne+ 2006



Galactic distribution of massive clumps

ATLASGAL — Urquhart+ 2018

Circle size ∝ mass Circle size ∝ luminosity



Clump properties
0.1 g/cm2 1 g/cm2

ATLASGAL — Urquhart+ 2018

N.B. 1000 M⊙, Σ = 0.3 g/cm−2 → A ~ 1 pc2



Massive cores
Zooming in

• Zooming in to ~0.1 pc scales, one 
sees compact dust sources with 
mass ~100 M⊙, n ~ 106 cm−3, 𝜎 ~ 1 
km/s


• Free-fall time ~50 kyr → M / tff ~ 
10−3 M⊙ / yr ~ 10-100 cs3 / G


• Virial parameter ≲ 1, supported by 
combination of turbulence and 
magnetic fields
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18.1.3 Massive Cores

If one zooms in a bit more using an interferometer, to ⇠ 0.1 pc scales,
one can find objects that are ⇠ 100 M� in mass and ⇠ 0.1 pc in
radius. These are centrally concentrated, and appear to be forming
stars. Their velocity dispersions are also about one is needed for
them to be in virial balance, around 1 km s�1. As with their parent
clumps, such large velocity dispersions on such small scales puts
these objects well off the linewidth-size relation seen in most material
in GMCs. We refer to objects with these characteristics as massive
cores. Figure 18.2 shows an example.

The Astrophysical Journal, 754:5 (22pp), 2012 July 20 Butler & Tan

Figure 5. (a) Top left: mass surface density, ΣSMF, map in g cm−2 of IRDC Core A1, extracted from the map of IRDC A (Figure 3). The core center is marked with
a cross. Saturated pixels, for which Σ is a lower limit of the true value, are marked with small white squares. The black dashed circle shows the radius enclosing a
total mass of 60 M⊙. The red solid circle shows the extent of the core derived from the best-fit power-law (PL) core plus envelope model (see the text). (b) Bottom
left: radial profiles of Core A1: observed log Σcl/(g cm−2) (blue open squares, plotted at annuli centers) derived from the map shown in (a); total projected enclosed
mass, Mcl, (blue long-dashed line (see right axis)); core mass, Mc after clump envelope subtraction (red dashed line (see right axis)); index of core PL density profile,
kρ,c , (red crosses); −log χ2 (red triangles) of the PL plus envelope fit (best fit has a maximum or local maximum value (see the text)); the best-fit PL plus envelope
model (blue solid line; dotted line shows range affected by saturation that was not used in the fitting); log Σc/(g cm−2) of best-fit core after envelope subtraction
(red solid squares) and PL fit (red solid line; dotted line shows range affected by saturation that was not used in the fitting). (c) Top right: Σc(r), i.e., after clump
envelope subtraction for the best-fit model (red solid squares; open squares show residual, post-subtraction envelope material). PL models with various values of kρ,c

are indicated (dashed lines), including the best-fit model with kρ = 1.88 (solid line). (d) Bottom right: as for (c), but for Bonnor–Ebert (BE) plus envelope fitting.
Σc(r), i.e., after clump envelope subtraction for the best-fit model (red solid squares). Best-fit BE model (solid line) and models varying cs (long-dashed lines) and P0
(dashed lines) by factors of two from this are shown (see the text).
(A color version of this figure is available in the online journal.)
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Figure 18.2: A massive protostellar core
seen in IR absorption. Colors indicate
the inferred column density in g cm�2.
Pixels marked with white dots are
lower limits. The black circle shows a
radius enclosing 60 M�, and the red
circle shows the core radius inferred
by fitting a core plus envelope model
to the azimuthally-averaged surface
density distribution. Credit: Butler &
Tan (2012), ©AAS. Reproduced with
permission.

In some cases we detect no mid-IR emission from massive cores,
which indicates that any stars within them cannot yet be massive
stars. However, even in cases with no mid-IR, there are signs of active
protostellar outflows, in the form of SiO emission (e.g., Motte et al.,
2007). The statistics indicate that the starless phase for a massive core
is at most ⇠ 1000 yr, implying that once a massive core is assembled
it starts forming stars immediately, or even that star formation begins
as it is being assembled.

It is instructive to perform some simple dimensional analysis for
these objects. A region with a mass of 100 M� and a radius of 0.1
pc has a mean density of about 10�18 g cm�3, or n ⇠ 106 cm�3, and
a free-fall time of 5 ⇥ 104 yr. Thus we should expect one of these
cores to form stars in ⇠ 105 yr, and to do so at an accretion rate
Ṁ ⇡ M/tff ⇡ 10�3 M� yr�1. This is vastly higher than the expected
accretion rates in the regions of low mass star formation close to
Earth, and much larger than c3

s /G where cs is the thermal sound
speed.

It is also useful to phrase the accretion rate in terms of a velocity
dispersion. Suppose we have a core in rough virial balance, so that

avir =
5s2R
GM

⇡ 1, (18.1)

where the 1D velocity dispersion s here now includes contributions
from both thermal and non-thermal motions. The density is r =

3M/(4pR3), so the free-fall time is

tff =

s
3p

32Gr
=

r
pR3

8GM
. (18.2)

If the core collapses in free-fall, the accretion rate is

Ṁ ⇡ M
tff

=

r
8GM3

pR3 =

s
1000
pa3

vir

s3

G
. (18.3)

Thus, the accretion rate will be roughly ⇠ 10s3/G.

Butler & Tan 2012

60 M⊙ enclosed

Σ [g / cm2]



Fragmentation of massive cores
The first barrier

• A ~100 M⊙ is much more massive than any 
plausible estimate of Jeans mass


• Consequently, expect it to fragment; simulations 
of isothermal turbulence show that this happens


• Basic question: why would you ever get one star 
of ~100 M⊙ rather than 100 stars of ~1 M⊙?


• Likely related to radiative feedback and magnetic 
fields, both of which suppress fragmentation

4 Guszejnov, Hopkins, Grudić, Krumholz & Federrath

∆m/Mcloud=7x10-9

α=0.12
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Figure 1. Typical density maps for isothermal fragmentation (left) and homologous collapse (right). On each figure the colormap is
stretched over a 2 dex interval. In the fragmenting case (left) shocks from supersonic infall create dense, filamentary structures with high
density “beads” embedded in them. Many of these structures are self-gravitating and undergo gravitational collapse, either forming sink
particles or further fragmenting into even smaller objects. In case of homologous collapse there is only a single high density region at the
centre of the cloud, which accretes most of the gas.

As Fig. 3 shows, there is no clear boundary in either
the virial parameter ↵ or the Mach number M between the
two regimes. Instead it is the infall Mach number Minfall
that determines the mode of collapse7. The transition be-
tween homologous collapse and fragmentation occurs around
Minfall ⇡ 3 (see Fig. 4). This boundary roughly corresponds
to the point where the characteristic velocity of the infalling
material becomes supersonic (this value is >1 because only
a fraction of the potential energy is transferred to infall mo-
tion, contrary to Eq. 5). This leads to shocks which in turn
lead to the formation of high density subregions that are
self-gravitating and collapse on their own, causing the frag-
mentation of the cloud.

E↵ect of Resolution on the Mass Distribution

In the numerical study of isothermal turbulence the dynamic
range (resolution) of the simulation plays an important role.
If the dynamic range is too small, a multitude of phenomena
might not manifest and the results are obscured by artificial
edge e↵ects. Since we are primarily interested in the spec-
trum of self-gravitating objects, let us consider the mass
of the smallest resolvable self-gravitating object (�m) in a
generic simulation of isothermal fragmentation with N par-
ticles/grid points. We find that

7 Note that the number of initial Jeans and sonic masses as well as
the thermal virial parameter are equally good predictors, because
they are all simple functions of Minfall, see Sec. 2.1 for how they
relate.

• for schemes that follow approximately uniform mass
resolution (Lagrangian schemes like MFM, SPH, moving
mesh methods, and AMR set to ensure equal mass per cell):
�m/Mcloud ⇠ N�1, trivially.

• for schemes that follow approximately uniform spa-
tial resolution (e.g. uniform Eulerian grids or Lagrangian
schemes where the minimum force softening is too large):
since there is a spatial resolution �x the smallest resolvable

structure has a mass of �m ⇠ MJeans(�x) ⇠ c3
s

G⇢max
. Using

�m ⇠ ⇢max�x3 we get �m/Mcloud ⇠ c2
s

GMcloud
�x / N�1/3.

This shows that schemes with uniform mass elements (like
the Meshless-Finite-Mass scheme we are using) are (as ex-
pected by design) inherently superior at resolving mass dis-
tributions in Jeans-like collapse for a given number of res-
olution elements because their low-mass cut-o↵ scales as
N�1 compared to the N�1/3 for uniform spatial resolution
schemes (see Table 1 for specifics), provided they use no
minimum softening but allow structures to get as dense as
needed to reach the Truelove criterion.

Fig. 5 shows that the mass distribution in the fragment-
ing case is close to a power-law with a low-mass cut-o↵ set
by the mass resolution of the simulation8. In the homologous

8 Note that the highest resolution run (�m/Mcloud = 7 ⇥ 10�9)
was not run until completion due to the CPU cost that arises
from modelling tightly bound binaries. At this point the system
has turned only about 20% of its mass into sink particles, so
we expect the IMF to evolve (e.g. accretion should make it less
bottom heavy), but the low-mass cut-o↵ is already established.

MNRAS 000, 000–000 (0000)
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Figure 5. The mass distribution of sink particles (IMF) in a fragmenting cloud (Left: ↵ = 0.12, M = 1, Right: ↵ = 1.2, M = 1) for
di↵erent mass resolutions. The dashed lines mark mass scales from initial conditions (sonic mass Msonic and Jeans mass MJeans). For
clarity the delta-function-like peaks around unit relative mass were removed from the right figure (see Fig. 2 for an example). Lower
resolution runs are not included in the right figure as they only produced a single sink particle at unit relative mass. It is clear that the
peak of the distribution is set by the resolution parameter �m/Mcloud, initial conditions imprint no scales into the final result. This means
that for the infinitely well-resolved case we would get an infinite fragmentation cascade.

final objects develops a power-law behaviour at low-masses,
close to dN/dM / M�2, in agreement with theoretical expec-
tations (e.g. Elmegreen 1997; Padoan et al. 1997; Hennebelle
& Chabrier 2008; Bonnell et al. 2007). Note that in the case
of homologous collapse most of the mass is actually in sev-
eral massive fragments that lie outside this power-law regime
but the remaining mass which does not end up in the “pri-
mary” scale sinks forms a power-law distribution, with no
lower limit down to the resolution scale.

We conducted a resolution study to examine whether
the low-mass cut-o↵ of the power-law in the mass distri-
bution is determined by the initial conditions of the cloud
(e.g. its virial parameter or initial turbulent properties) or
by mass resolution. We found that there is no convergence in
the low-mass spectrum that appears in either mode of col-
lapse. In other words: the fragmentation goes well below the
initial Jeans mass, down to the mass resolution. This agrees
well with several studies (e.g. Martel et al. 2006; Kratter
et al. 2010; Lee & Hennebelle 2017; Federrath et al. 2017b).
However, these results along with ours do appear to contra-
dict some studies in the literature. We believe the discrep-
ancy is explained by di↵erent simulation methods and the
much wider dynamic range probed in this study.

It is a common argument that subsonic structures do
not fragment, so the population of such structures (e.g. cores
in star formation), whose characteristic mass is set by the
large-scale turbulent properties (e.g. sonic mass, see Hen-
nebelle & Chabrier 2008; Hopkins 2012b), influence the final
mass distribution. This is not the case as these structures
form in a larger, supersonic cloud that forms supersonic sub-
structures as well. These substructures have di↵erent turbu-
lent properties so they spawn a population of subsonic frag-
ments di↵erent from their parent. In the end this cascade
washes out any e↵ects the initial conditions might have over
the low-mass end of the mass spectrum.

We find that once the fragmentation cascade starts, it

proceeds to infinitely small scales. Initial properties (e.g.
virial parameter, turbulent Mach number, Jeans mass, tur-
bulent driving) have no e↵ect on this result, but they may
influence the details of the resulting mass distribution (e.g.
how close the peak is to the mass resolution). Note that our
results only apply to collapsing isothermal gas, additional
physics would imprint additional scales, allowing these pa-
rameters to exert greater influence on structure formation.

Our results show that an isothermal fragmentation cas-
cade has to be terminated by additional physics (e.g. break-
down of scale-free assumption at high densities); the ini-
tial conditions (e.g. sonic mass) imprint no mass scale in
the final mass distribution. This means that star formation
models that tie the IMF peak to initial turbulent properties
(e.g. Hennebelle & Chabrier 2008; Hopkins 2012a) need to
be modified.

More broadly, these results provide insight into the
physical character of isothermal gravito-turbulent fragmen-
tation: it is a self-sustaining process, able to continuously
generate enough power in the density field on the smallest
scales to drive further fragmentation. The requisite energy to
drive these small-scale density perturbations must be pro-
duced by local gravitational collapse, in a manner that is
decoupled from energy injection at larger scales. This is a
very di↵erent picture from the classical Kolmogorov energy
cascade, in which all kinetic energy originates at large scales
and cascades to small scales, with none generated at interme-
diate scales. Hence self-gravity alters isothermal turbulence
in a fundamental way. It follows that any model of the ISM
based upon the properties of non-self-gravitating isothermal
turbulence will fail to describe the internal dynamics of the
self-gravitating objects that form.

MNRAS 000, 000–000 (0000)

Guszejnov+ 2018



Fragmentation with and without radiation
Isothermal Radiative

Myers+ 2013



Observational evidence
For the effects of heating

• Direct temperature diagnostics (e.g., NH3) 
show heating around embedded protostars


• Observed heating sufficient to suppress 
fragmentation out to ~1000 AU scales


• Suggests radiative feedback from accretion 
onto low-mass stars helps them grow to 
higher mass, if they’re in the right 
environment

12 Ginsburg et al

(a) (b)

Figure 6. Methanol temperature and column density maps around e2. The maps are 500 ⇥ 500 (2.7⇥ 104 ⇥ 2.7⇥ 104 AU). The
central regions around the cores appear to have lower column densities because the lines become optically thick and self-absorbed.
The contour in the temperature map is at 350 K, where red meat is typically considered “well-done”.

means we have ignored the line profile entirely and in
some cases underestimated the intensity of the optically
thick lower-J lines: in the regions of highest column, the
column is underestimated and the temperature is over-
estimated, as can be seen in Figure 8.
A few features illustrate the e↵ects of thermal radia-

tive feedback on the gas. The temperature jump starting
inward of r ⇠ 1.500 (8100 AU; Figure 11b) is substantial,
though the 100-200 K floor at greater radii is likely artifi-
cial5. There is an abundance enhancement at the inner
radii, but in the plot it appears to be a radial bump
rather than a pure increase. The abundance enhance-
ment is probably real, and is a factor of ⇠ 5�10⇥. The
inner abundance dip is caused by two coincident e↵ects:
first, the CH3OH column becomes underestimated be-
cause the low-J CH3OH is self -absorbed, and second,
the dust becomes optically thick, blocking additional
CH3OH emission, though this latter e↵ect is somewhat
self-regulating since it also decreases the inferred dust
column (the denominator in the abundance expression).

3.5. Radial mass profiles around the most massive
cores

5The low-J transitions have significant optical depth across the
whole region, but in the inner part of the core, the temperature
measurement is dominated by the high-J transitions, which give
a long energy baseline for the fit. In the core exterior, the high-
J lines are not detected, so the (possibly optically thick) low-J
lines determine the temperature fit, which results in much lower
accuracy and greater potential bias.

In Figure 12, we show the radial mass profiles ex-
tracted from the three high-mass protostellar cores in
W51: W51 North, W51 e2e, and W51 e8. The plot
shows the enclosed mass out to ⇠ 100 (5400 AU). On
larger spatial scales, the enclosed mass rises more shal-
lowly, indicating the end of the core.
All three sources show similar radial profiles. Figure

12b shows M(< R) using Tdust = TCH3OH, which is a
reasonable approximation of the mass profile (though it
is likely a lower limit on the mass; see §3.4). Assuming
Tdust = 40 K, approximately the hottest measured dust
temperature in the region from Herschel SED fits, gives
a mass upper limit in each core that is up to 3000 M�
within a compact radius of 5400 AU (0.03 pc). If the
observed dust were all at 600 K instead of 40 K, the
mass would be 17⇥ lower, ⇠ 100 � 200 M�, which we
treat as a strict lower bound as it is unlikely that the
dust at more than r & 1000 AU from the central heating
source is so warm.

3.6. Gas kinematics around the most massive cores

The gas motion around the massive cores is traced
consistently by many species. CH3OH has some of the
brightest and most isolated (i.e., not confused with other
species) lines, so we show the kinematic structure of two
moderately excited CH3OH lines for the e2e MYSO core
in Figure 13 (similar plots for e8 and North are showin
in the Appendix, figures 29 and 30).
There are two notable common features in these maps.

First, there is no clear sign of systematic motion, par-
ticularly rotation, in any of them. Second, they have

24 Ginsburg et al

(a) (b)

Figure 17. The azimuthally averaged Jeans mass surrounding the three most massive cores. We used the CH3OH temperature
from 3.4, Figure 12b in both the Jeans mass calculation and the dust-based mass determination. The density used for the mass
calculation is assumed to be distributed over spherical shells. The dashed lines show the measured mean mass per ⇠ 1000 AU
beam at each radius. Since these masses are lower than the local Jeans mass, the gas is stable against fragmentation. The high
variation seen at small radii (below 0.200, shaded area) is due to sub-resolution noise. In (b), the horizontal dotted line shows
the beam scale. Above this line, gas within a single beam is stable against Jeans fragmentation.

their own surrounding cores as suggested in the ‘en-
forced isolation’ scenario above, they may have com-
pletely changed the conditions of the parent cloud. If
we assume they reached the main sequence before con-
suming all of the material they heated, and we assume
that they decoupled from the gas and stopped accreting
soon after reaching the main sequence, they must have
left a substantial amount of much warmer gas behind.
Assuming that the thermal fragmentation scale is rele-
vant for determining the mass of new stars, the second
generation would form from warmer material and would
therefore be higher mass than the first.
This toy model is analogous to the “cooperative ac-

cretion” mode suggested by Zinnecker & Yorke (2007),
but at a much earlier stage in the cluster development
when the gas is still molecular and dusty and therefore
capable of e�cient cooling. In the ionized cooperative
accretion scenario, the most massive star in a forming
cluster will accrete the most material because its poten-
tial well is deepest, and that star will continue to grow
until it reaches a pseudo-Eddington limit in which its
own radiation produces a pressure that reduces its ef-
fective potential, halting or reducing accretion. At that
point, the second most massive star will dominate the
accretion, and so on until the gas is all gone. Since
we observe no direct evidence for ionized accretion in
W51 (Section 4.2), the ionized version of the coopera-

tive model is not likely to be significant in this particular
region.
The molecular cooperative accretion model is also sim-

ilar to the results of Krumholz et al. (2011), in which
radiative heating drove up the peak of the IMF. In
this case, though, we suggest that the a↵ected region
is smaller (not the whole cloud). Over the small heated
region, the IMF is driven to be more top-heavy than
in the initial cooler cloud, permitting the formation of
more massive stars.
In this scenario, the highest mass stars (probably

“very massive stars”, M & 50 M�) would preferentially
form within dense, clustered environments, since sup-
pressed fragmentation would allow the buildup of more
mass. The first generation of stars forming from ‘pri-
mordial’ gas would come from a slightly di↵erent mass
function than subsequent stars. The process would con-
tinue pushing the IMF higher until the gas is either ex-
hausted (Kruijssen et al. 2012; Ginsburg et al. 2016a) or
expelled.
Our observations are consistent with this model given

that the stars are able to dynamically decouple from
the gas. If the previous generation were responsible for
substantial gas heating, we might expect to see warm
gas surrounding the HCH ii regions. Instead, we see
these stars barely interacting with the dense gas. It
is possible, though, that these stars are only e↵ective
at dense gas heating before they ignite Lyman contin-

1” ≈ 5000 AU

Ginsburg+ 2017



Massive binaries
Where there is fragmentation

• Fragmentation governed mostly by 𝜉 
= G (dM/dt) / cs3


• We previously showed that massive 
cores should accrete at ~10 - 100 cs3 
/ G, so 𝜉 ~ 10 - 100


• Implication: massive discs should 
always be unstable, fragment to form 
binaries (at least)

296 notes on star formation

The meanings of these two dimensionless numbers are straight-
forward. The first, x, takes the ratio of the accretion rate to the char-
acteristic thermal accretion rate c3

s /G. This is (up to factors of order
unity) the accretion rate for a singular isothermal sphere or a Bonnor-
Ebert sphere, and it is also the characteristic accretion rate through an
isothermal disk, as we saw in Chapter 15. The second parameter, G,
is a measure of the angular momentum content of the accretion. The
quantity Ṁ/Wk,in is (neglecting a factor of 2p) the amount of mass
added per orbital period at the disk outer edge. Thus G measures
the fraction by which accretion changes the total disk plus star mass
per disk orbital period. High angular momentum flows have large
rotation periods, so they produce larger values of G at the same total
accretion rate.
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Figure 2. Distribution of runs in ξ–Γ parameter space. The single stars are
confined to the low ξ region of parameters space, although increasing Γ has a
small stabilizing effect near the transition around ξ = 2 due to the increasing
ability of the disk to store mass at higher values of Γ. The dotted line shows the
division between single and fragmenting disks: Γ = ξ2.5/850. As ξ increases
disks fragment to form multiple systems. At even higher values of ξ disks
fragment to make binaries. We discuss the distinction between different types
of multiples in Section 5.4. The shaded region of parameter space shows where
isothermal cores no longer collapse due to the extra support from rotation.
(A color version of this figure is available in the online journal.)

Table 1
Each Run is Labeled by ξ, Γ, Multiplicity Outcome, the Final Value of the

Disk-to-star(s) Mass Ratio, µ, and the Final Resolution, λn

Run ξ 102Γ N∗ µf λf Q2D µ λn

1 1.6 0.9 S . . . . . . . . . 0.49 99
2 1.9 0.8 S . . . . . . . . . 0.40 88
3 2.2 2.5 S . . . . . . . . . 0.56 82
4 2.4 1.0 M 0.43 77 0.69 0.16 98
5 2.9 1.8 S . . . . . . . . . 0.53 86
6 2.9 0.8 M 0.40 51 0.72 0.14 78
7 3.0 0.4 M 0.33 50 0.48 0.11 77
8 3.4 0.7 M 0.40 66 0.37 0.16 70
9 4.2 1.4 B 0.51 56 0.19 0.33 72
10 4.6 2.1 M 0.54 71 0.42 0.23 123
11 4.6 0.7 B 0.35 28 0.52 0.12 52
12 4.9 0.9 B 0.37 26 0.74 0.19 59
13 5.4 0.4 B 0.38 38 0.33 0.19 64
14 5.4 0.7 B 0.31 49 0.85 0.21 62
15 5.4 7.5 B 0.72 99 0.20 0.59 129
16* 23.4 0.8 B 0.25 5 0.83 0.10 84
17* 24.9 0.4 B 0.15 3 0.59 0.11 61
18* 41.2 0.8 B 0.13 5 1.33 0.10 58

Notes. Values of Γ are quoted in units of 10−2. For fragmenting runs the disk
resolution λf , Q2D (Equation (29)) and µf at the time of fragmentation are
listed as well. S runs are single objects with no physical fragmentation. B’s are
binaries which form two distinct objects each with a disk, and M are those with
three or more stars which survive for many orbits. * indicates runs which are
not sufficiently well resolved at the time of fragmentation to make meaningful
measures of µf and Q.

fluctuations), although Qd shows a similar trend. We use this
smoothed minimum quantity in Table 1, and compare it to the
analytic estimate Qd in Table 2 for non-fragmenting disks.

The critical values of Q at which fragmentation sets in depend
on the exact method used for calculation (e.g., Qav or Q2D). The

Figure 3. Top: Qav in a disk with ξ = 2.9, Γ = 0.018. The current disk radius,
Rk,in is shown as well. Bottom: log(Q2D) (Equation (29)) in the same disk.
While the azimuthally averaged quantity changes only moderately over the
extent of the disk, the full two-dimensional quantity varies widely at a given
radius. Q is calculated using κ derived from the gravitational potential, which
generates the artifacts observed at the edges of the disk. Here and in all figures,
we use δx to signify the resolution.
(A color version of this figure is available in the online journal.)

Table 2
Non-fragmenting Runs (Numbers as from Table 1)

Run ξ 102Γ µ Qd Q2D kΣ λn Rd

1 1.6 0.9 0.49 1.6 0.96 1.5 99 103
2 1.9 0.8 0.40 1.5 1.10 1.3 88 138
3 2.2 2.5 0.56 3.7 0.83 1.8 82 65
5 2.9 1.8 0.53 2.2 0.56 1.7 86 77

Notes. We list values for the characteristic predicted value of Toomre’s Q, Qd

(Equation (23)), as well as the measured disk minimum, Q2D Equation (29).
We also list the slope of the surface density profile, kΣ averaged over several
disk orbits, the final resolutions, and Rd at the end of the run (Equation (21)).

canonical Q = 1 boundary only indicates the instability of
axisymmetric perturbations in razor-thin disks (Toomre 1964).
As discussed by numerous authors, the instability criterion is
somewhat different for thick disks (Goldreich & Lynden-Bell
1965; Laughlin et al. 1997, 1998), and for the growth of higher
order azimuthal modes (Adams et al. 1989; Shu et al. 1990;
Laughlin & Korchagin 1996).

Because our disks are thick, the fragmentation boundary
cannot be drawn in Q-space alone. We use Q2D and µ in
Figure 4 to demarcate the fragmentation boundary. Labeled
curves illustrate that the critical Q for fragmentation depends
on the disk scale height (Equation (18)). At a given value of Q,
a disk with a larger value of µ will have a larger aspect ratio,
and will therefore be more stable. Recall from Equation (18)
that the disk aspect ratio is proportional to (ξ/Γ)1/3.

Figure 18.4: Results of a series of sim-
ulations of disk fragmentation. Points
show the accretion rate parameter x
and the rotation parameter G for the
simulations, with the type of point
indicating the outcome: a single star,
a multiple system, or a binary system.
The shaded region is forbidden, be-
cause cores in that region are unable to
collapse. Credit: Kratter et al. (2010),
©AAS. Reproduced with permission.

Intuitively, we expect that disk fragmentation is likely for high
values of x and low values of G, because both favor higher surface
densities in the disk. High x favors high disk surface density be-
cause it corresponds to matter entering the disk faster, and low G
favors higher surface density because it tends to make the disk more
compact (since the circularization radius of the accreting material
increases and G does). This is exactly what a series of numerical
simulations shows, as illustrated in Figure 18.4.

These results are very nice because they quite naturally explain
why binaries are much more common among high mass stars. We
showed in Section 18.1.3 that typical accretion rates onto massive
stars are ⇠ 10s3/G, where s is the velocity dispersion in the pro-
tostellar core. The parameter x is determined by the accretion rate
normalized to c3

s /G (where cs is the disk sound speed, recall), and
thus we have

x ⇠ 10
✓

s

cs

◆3
. (18.5)

For a massive core, the disk sound speed cs is enhanced compared to
that in the core due to the radiation from the star, but much less than
s is enhanced. Typical outer disk temperatures for massive star disks
are ⇠ 100 K, corresponding to cs ⇠ 0.6 km s�1, whereas s ⇠ 1 km
s�1, giving x � 1. Thus disk fragmentation is essentially inevitable.

A second effect that enhances massive star binarity is N-body
processing. Young clusters are born far from dynamically-relaxed,
and thus there is an initial period where stars may have close en-
counters with one another. During this phase, encounters between
binary systems, between binaries and single stars, and between three
single stars can all serve to create or destroy binaries, or to modify
their properties. The study of exactly how this happens is a huge
topic into which we will not delve, beyond making a few general
observations.

Kratter+ 2010



Massive star feedback
General considerations

• KH time for massive stars is short: tKH 
= GM2 / RL = 0.3 Myr for M = 100 M⊙, 
R = 10 R⊙, L = 105 L⊙


• Implication: massive stars reach main 
sequence and thus high Teff while still 
accreting, produce winds and ionising 
radiation like a MS massive star


• Thus accretion must be able to 
continue despite these effects
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Figure 2. Evolution of a protostar with the accretion rate Ṁ∗ = 10−3 M⊙ yr−1

(run MD3). Upper panel: The interior structure of the protostar. The thick
solid curve represents the protostellar radius (R∗), which is the position of
the accretion shock front. Convective layers are shown by gray shaded area.
The hatched areas indicate layers of active nuclear burning, where the energy
production rate exceeds 10% of the steady rate 0.1LD,st/M∗ for the deuterium
burning, and 0.1L∗/M∗ for the hydrogen burning. The thin dotted curves
represent the loci of mass coordinates ; M = 0.1, 0.3, 1, 3, 10, and 30 M⊙.
Lower panel: Evolution of the mass-averaged deuterium concentration, fd,av
(solid line) and the maximum temperature within the star Tmax (dot-dashed line).
In both panels, the shaded background shows the four evolutionary phases: (I)
adiabatic accretion, (II) swelling, (III) Kelvin-Helmholtz contraction, and (IV)
main-sequence accretion phases.

entropy change. The former, tacc,s, is the time for a thin shell
of mass m at the surface to be replaced by the newly accreted
material, while the latter, tcool,s, is the time for the same shell to
lose the entropy mδs by outward radiation. Comparison between
these timescales in the settling layer is presented in Figure 5.
where δs = 0.1kB/mH is adopted for numerical evaluation. This
indicates that tacc,s is always shorter than tcool,s: the accreted
material is swiftly embedded in the interior before losing the
entropy δs by radiation. Therefore, the adiabaticity remains valid
in spite of the spike in luminosity profile. Note that the short
tacc,s is a result of the high accretion rate. We will see that the
situation changes for much lower accretion rates in Sections 3.2
and 3.3 below.

With increasing protostellar mass M∗, the accretion shock
strengthens and the postshock entropy increases. Then, the inte-
rior entropy increases as well. This causes a gradual expansion
of the stellar radius in the adiabatic accretion phase (Figure 2,
upper panel). Using the typical density and pressure within a
star of mass M∗ and radius R∗ (e.g., Cox & Giuli 1968);

ρ ∼ M∗

R3
∗
, P ∼ G

M2
∗

R4
∗

. (10)

and the expression for specific entropy of ideal monatomic gas

s = 3R
2µ

ln
(

P

ρ5/3

)
+ const, (11)

where R is the gas constant and µ is the mean molecular weight,
the stellar radius and entropy are related as (Stahler 1988);

R∗ ∝ M−1/3
∗ exp

[
2µ

3R
s

]
, (12)

i.e., the stellar radius is larger for the higher entropy within the
star. SPS86 have derived the mass–radius relation for protostars
in the adiabatic accretion phase;

R∗ ≃ 26 R⊙

(
M∗

M⊙

)0.27 (
Ṁ∗

10−3 M⊙ yr−1

)0.41

, (13)

under the condition that opacity in the radiative precursor is
dominated by H− bound-free absorption. As this condition
holds in our case, our calculated mass–radius relation is in good
agreement with Equation (13). Equation (13) suggests the large
radius (> 10 R⊙) of the rapidly accreting protostar.

The interior of the protostar remains radiative throughout
this phase (Figure 2, upper panel): all the energy transport is via
radiation. This is in high contrast with low Ṁ∗ (∼ 10−5 M⊙ yr−1)
cases, where most of the interior becomes convective owing to
deuterium burning for M∗ ! 0.4 M⊙ (see Section 3.2 below).
This can be attributed to a difference in the interior temperature.
From Equation (10), typical temperature within the star is

T = µ

R
P

ρ
∼ G

R
µM∗

R∗
. (14)

Therefore, the large stellar radius leads to the low temperature
in the stellar interior. In fact, the maximum temperature in
this phase does not exceed the threshold for deuterium burning
(lower panel of Figure 2).

Once the accreted matter has passed through the outermost
layer with the luminosity spike, the luminosity gradient becomes
much milder. The luminosity has a maximum at some radius:
outside the luminosity maximum, the gradient ∂L/∂M < 0,
while ∂L/∂M > 0 inside. This means that heat is removed from
the deep interior and absorbed in the outer layer. This entropy
transfer, however, remains small and does not modify the
entropy distribution significantly during this phase. Efficiency
of the outward entropy transfer is related to the value of opacity.
In most of the stellar interior, major sources of opacity are
bound–bound and bound-free transitions of heavy elements,
which approximately obey Kramers’ law, κ ∝ ρT −3.5 (Hayashi
et al. 1962; Clayton 1968). With the increase in stellar mass and
then the interior temperature, the opacity decreases. This results
in steady increase of the outward heat flux with evolution. In
fact, as shown in the lower panels of Figure 3, the amplitude
of the luminosity increases with the growth of the protostar.
Also the maximum luminosity within the star Lmax increases
as a power-law function of M∗ as seen in the middle panel
of Figure 4. This dependence can be understood as follows:
for a star with radiative stratification and Kramers’ opacity, the
luminosity scales as Lrad ∝ M

11/2
∗ R

−1/2
∗ (e.g., Cox & Giuli

1968). We have confirmed that Lmax roughly obeys,

Lmax ≃ 0.2 L⊙

(
M∗

M⊙

)11/2 (
R∗

R⊙

)−1/2

(15)

in our calculations. Using Equations (13) and (15), we obtain
Lmax ∝ M5.4

∗ for a constant accretion rate. When opacity
becomes sufficiently small, the radiative heat transport becomes

Hosokawa + Omukai (2009)



Physics question: why is tKH so much smaller for 
massive stars than for low-mass ones? (Hint: what 

does Kramers opacity have to do with this question?)



Winds vs accretion
Feedback mechanism I

• O stars launch strong winds driven by radiation pressure: mass flux ~10−7 
M⊙ / yr, speed ~ 1000 km/s (comparable to vff at stellar surface) 


• Wind density given implicitly by 


• Ram pressure of wind is therefore


• By comparison, ram pressure of infall is


• Infall mass flux ≳ 1000 × wind mass flux, so infall wins unless infall speed ≲ 1 
km/s — implausible, since this is less than turbulent speed in core


• Thus infall wins, as long as shocked wind gas escapes so P doesn’t build up
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Ionisation vs accretion
Feedback mechanism II

• Ionisation will heat gas near star to ~104 K, sound speed cs ~ 10 km/s


• If cs > vesc, gas will not escape rather than accretion, so accretion flow stops


• To check if this happens, consider constant accretion flow at free-fall, so 
density given implicitly by


• Consider point source of ionising luminosity Q at centre of infall


• Compute radiation of ionised region by setting ionisation = recombination: 
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Ionisation vs accretion
Part II

• Result:


• If factor inside exponential is ≲ 1, ionised region is confined close to stellar 
surface, while if it is ≫ ionised region is far from surface


• Condition (2GM / ri)1/2 > cs met if


• Plugging in typical massive star numbers (S ~ 1049 / s, M ~ 100 M⊙, vesc ~ 
1000 km/s), required accretion rate is few x 10−5 M⊙ / yr — easily satisfied in 
massive star-forming regions


• Conclusion: ionisation unlikely to halt accretion as long as accretion is rapid
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Direct radiation pressure
Feedback mechanism III

• Dust destruction radius given by 


• Typical value for massive star ~100-200 AU


• Radiation absorbed at dust destruction front 
delivers impulse L/c


• Flow turned back unless


• Condition generally met: for typical massive 
star parameters, requires 

3470 M. R. Krumholz

Figure 1. Schematic diagram of the temperature and opacity structure of
a dusty accretion flow. A central source (yellow circle) creates a dust-free
region for tens to hundreds of au around itself, depending on its luminosity.
Ultraviolet stellar photons free-stream through this region, before eventually
being absorbed in a very thin shell of dust. In this shell, the photons are
down-converted to infrared, and then they diffuse outwards through the dust
envelope, before finally diffusing far enough in either radius or frequency
to escape.

the only sources of opacity are, depending on the chemical state of
the gas, Thomson scattering by free electrons, absorption of ioniz-
ing photons by neutral hydrogen, or resonant absorption of photons
by molecules (e.g. Malygin et al. 2014). At interstellar densities,
the flux-mean opacities to starlight provided by these sources are
relatively small, κF ! 1 cm2 g−1, and thus the region where they
dominate is generally optically thin.

As one moves away from the radiation source, the radiation field
becomes less intense due to geometric dilution, and at some critical
radius, dust grains are able to survive. Because the stellar spectrum
carries most of its power at wavelengths smaller than the typical
grain size, the interaction between the starlight and the grains is
close to the limit of geometric optics, and the resulting opacity
is large; typical values are κF ∼ 103 cm2 g−1, depending on the
stellar spectrum and the grain size distribution (Wolfire & Cassinelli
1986). The corresponding distance rs at which grains of radius a
and sublimation temperature Ts can survive around a source of
luminosity L is given implicitly by the condition of energy balance
between absorption and emission at temperature Ts:

L

4πr2
s

πa2 = 4πa2σSBT 4
s ⟨Q⟩ , (1)

where σ SB is the Stefan–Boltzmann constant and ⟨Q⟩ is the grain
absorption efficiency averaged over a Planck function at temperature
Ts. Thus, the dust sublimation radius is

rs =
√

L

16π ⟨Q⟩ σSBT 4
s

= 780L
1/2
6 Q

−1/2
−2 T −2

s,3 au, (2)

where L6 = L/106 L⊙, Q−2 = ⟨Q⟩/0.01, and Ts, 3 = Ts/1000 K;
typical values for interstellar grains are Q−2 ≈1, Ts, 3 ≈1.5. The high
opacity of grains to starlight photons guarantees that almost all of the
stellar photons are absorbed within a shell of width ℓ ∼ (κFρ)−1 ∼
3 × 10−3κ−1

F,3n
−1
10 au, where κF, 3 = κF/103 cm2 g−1 and n10 is the gas

number density in units of 1010 cm−3. This thin absorption region,
which has ℓ ≪ rs, is the second zone.

After the photons are absorbed, they are re-emitted in the infrared
(IR). Because the grains are much smaller than the characteristic
wavelength for blackbody emission at temperature Ts, the flux-mean
opacity for the re-emitted photons is much smaller, κF ! 10 cm2 g−1.
Thus, while the region within which the stellar photons are absorbed
is of optical depth τ ∗ ∼ 1 to those photons, it is completely trans-
parent, τ IR ∼ 0.01, to the re-emitted IR photons. However, because

there is generally a large column of material outside the absorption
region, the IR photons generally do not immediately escape to infin-
ity. Instead, they escape the absorption region but then must diffuse
outwards through the remainder of the dusty accretion flow, ex-
periencing repeated absorptions and re-emissions that shift them to
ever-lower frequencies and result in lower flux-mean opacities, until
they finally escape. The flux-mean opacity in this diffusion region
is a complex function of temperature, governed by temperature-
dependent sublimation and condensation of different grain species,
but it can be roughly approximated as (Semenov et al. 2003)

κIR ≈ κIR,0

⎧
⎪⎪⎨

⎪⎪⎩

(T /T0)2, T < T0

1, T0 ≤ T < Ts

0, Ts ≤ T

(3)

where T is the radiation temperature, κ IR, 0 ≈ 7 cm2 g−1, T0 ≈ 150 K.
The radiation temperature is similarly a complex function of opacity,
which for full accuracy must be obtained numerically. However, it
can reasonably be approximated as a power law in radius (e.g.
Wolfire & Cassinelli 1986; Chakrabarti & McKee 2005, 2008),

T ≈ φTs

(
r

rs

)−kT

, (4)

where kT ≈ 0.5 and φ ≈ 0.3.

2.2 Kinematic structure

Next, let us consider the kinematic structure of the flow, which
is determined by the balance between gravitational and radiative
forces; since dusty accretion flows near point sources are generally
highly supersonic, we can neglect pressure forces. The gravitational
force per unit mass is simply G(M∗ + Mr)/r2, where M∗ is the mass
of the central source and Mr is the gas mass interior to radius r.
For the purpose of calculating the radiation force, I assume that
the dust temperature obeys equation (4). The luminosity L passing
through any given radius is constant, and can be divided up into a
direct starlight component of luminosity L∗ and a dust-processed IR
component of luminosity LIR = L − L∗; the opacities of the material
to these two components are

κ∗ =
{

κ∗,0, T < Ts

0, T ≥ Ts

, (5)

and κ IR (equation 3), respectively. Combining these considerations,
we can write the full equation of motion for a fluid element at radius
r as

dv

dt
= −G(M∗ + Mr )

r2
+ L

4πr2c

[
κ∗e−τ∗ + κIR

(
1 − e−τ∗

)]
, (6)

where dv/dt is the Lagrangian derivative of the velocity,

Mr =
∫ r

0
4πr ′2ρ dr ′ (7)

τ∗ =
∫ r

rs

κ∗ρ dr ′ (8)

are the mass interior to radius r and the optical depth to starlight
photons at radius r, respectively, and ρ is the gas density. Note that
κ IR and κ∗ are both functions of temperature and thus of position.
In equation (6), the first term inside the square brackets represents
the force exerted by the direct starlight field, carrying a luminosity
L∗ = Le−τ∗ , while the second represents the force exerted by the

MNRAS 480, 3468–3482 (2018)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/480/3/3468/5064253 by M
usic Library, School of M

usic, N
ational Institute of the Arts, Australian N

ational U
niversity user on 06 D

ecem
ber 2018

<latexit sha1_base64="6unaWXLGGIw69AP3GHjjUi0JW/s="></latexit>

L

4⇡r2d
⇡a2 = 4⇡a2Q�SBT

4
d =) rd =

s
L

16⇡Q�SBT 4
d

<latexit sha1_base64="IOM+RXncnLTBOdfd/uKG+FhJASQ="></latexit>

Ṁv↵ > L/c =) Ṁ >
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Physics question: how could you have figured out 
this answer just based on our discussion about 
winds, without doing any further calculations?



Indirect radiation pressure
Feedback mechanism IV

• Even if inflow carries enough momentum to crush UV radiation, IR radiation 
still exerts forces as it diffuses out


• Ratio of radiative to gravitational force is:


• Conclusion: stars with L/M ≳ 103 L⨀/M⨀ cannot form by spherical accretion — 
this is all stars larger than ≈ 20 M⨀


• Obviously something is wrong…
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Indirect radiation pressure
Escape hatch I: radiation RT instability

Rosen+ 2016



Anisotropic accretion
Why this works

• Key insight from simulations is that 
accretion is anisotropic: most mass 
arrives in a small solid angle (e.g., via a 
disc)


• This makes mass-averaged ram 
pressure ≫ spherically-averaged ram 
pressure, so mass can flow in even as 
most solid angle push outward

Rosen+2016
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Indirect radiation pressure
Escape hatch II: outflows
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