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Thermodynamics of collapse
General considerations

• In bulk of GMC (n ≲ 103 cm−3), gas temperature is set by balance between CR 
heating and line cooling


• CR heating rate per atom nearly independent of density, line cooling rate only 
weakly dependent on density due to high optical depth


• However, there are other processes whose rates increase with density, so as 
density increases, these start to take over heating and cooling


• As a result, a collapsing core passes through a few different thermodynamic 
regimes, where different processes dominate — our goal is to explore these



The line - dust cooling transition
First step

• Dust particles are solid, so absorb and emit much more efficiently than gas; 
as a result, grains always reach equilibrium with radiation field


• Coupling between dust and gas is via collisions; exchange rate per atom:


• Linear dependence on density means dust-gas coupling dominates over CRs 
and line cooling once n is high enough


• For MW conditions, dust dominates above ~104 - 105 cm−3


• Above that density, gas temperature locked very close to grain temperature
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Physics question: how do you expect the 
grain-gas coupling density to differ for 

galaxies of lower metallicity than the MW?



Collapse in dust-dominated phase
Implications of dust-gas coupling

• Except close to local sources, dust maintains ~constant temperature due to 
uniform background ISRF; small variations due to varying levels of extinction


• This keeps gas close to isothermal as long as it is well-coupled to dust


• Isothermal gas able to collapse freely, because thermal pressure term in virial 
theorem is ~constant, while gravitational term increases as collapse proceeds


• In order to slow collapse, thermal pressure term must be able to rise


• For spherical geometry with P ∝ 𝜌𝛾 (T ∝ 𝜌𝛾−1), stable hydrostatic configurations 
exists only for 𝛾 > 4/3; so when does this condition begin to hold?



The isothermal - adiabatic transition
The optically thin case

• Energy conservation:


• At high n, main heating is P dV work by gravitational compression:


• Time derivative term must be of order 1/𝜌tff, so


• Cooling is via thermal radiation by dust grains; first consider case where 
region is optically thin, so


• In this case, heating begins to exceed cooling (𝛤 > 𝛬) for
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The isothermal - adiabatic transition
The optically thick case

• Consider collapsing region of characteristic size R ~ 𝜆J = (𝜋cs2 / G𝜌)1/2


• Region is optically thick if 𝜏 = 2𝜅P𝜌R ≳ 1 →


• In MW, thin-thick transition density > density where optically thin heating can’t 
keep up with cooling, so can use thin case — however, depends on 𝜅P and T


• Thus may need to consider thick case too; in this case cooling rate reduced 
by factor of ~1/𝜏 compared to thin case →


• For this case, heating > cooling for 

<latexit sha1_base64="20o0T0TEFdGGY/8eFC8+Rq+8l9A="></latexit>

⇢ & µmHG

4⇡2

P
kBT

⇡ 1.5⇥ 10�13 g cm�3

<latexit sha1_base64="ew5WFkIv2jXFHiZPKFDHNkS78vo="></latexit>

⇤ ⇠ P�SBT 4

2
P⇢

2R2
<latexit sha1_base64="jt+86Kbx9eOS+y+/m6r7WJiEqEA="></latexit>

⇢ &
✓
G�2

SB
µ4m4

H
T 4

4⇡3k4
B
2

P

◆1/3

⇡ 5⇥ 10�14 g cm�3



Consequences of cooling not keeping up
The adiabatic phase

• Once cooling can’t keep up, energy 
released by gravity goes into heat


• Gas at 𝜌 ≳ 10−13 g cm−3 is therefore close 
to adiabatic — constant entropy


• Temperature rises as T ∝ 𝜌𝛾−1, with 𝛾 ≈ 
5/3 at low T (before H is rotationally-
excited), 𝛾 ≈ 7/5 at higher T


• Since 𝛾 > 4/3, pressure can halt collapse
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FIG. 2.ÈThermal evolution at the center of the cloud core is depicted
for the initially homogeneous model. The upper panel shows the energy
exchange rate between gas and dust the radiative heating rate("gd), (i

E
cE),

the radiative cooling rate and the compressional heating rate of(4ni
P

B),
as functions of the central density. For g cm~3 the radiative!g) o

c
Z 10~12

heating and cooling rates are merged. The lower panel shows the central
temperature as a function of the central density.

for a free-fall time of the initial cloud core, i.e.,

tff \ n
2
S R3

2GM
\ 1.77 ] 105 yr . (2)

The adiabat recovers its steepness after the second collapse
is halted, but does not reach 5/3 as expected for mono-ceffatomic gas because the partial degeneracy of electrons
begins to dominates the pressure in the center.

All the components of dust grains evaporate at o
c
D 3

] 10~7 g cm~3 and the radiative heating and cooling rates
drop suddenly. The increasing density and temperature,
however, again raise the radiative heating and cooling rates.
The compressional heating rate of gas increases with ocuntil the collapse is almost halted at g cm ~3, whereo

c
D 1

the compressional heating rate drops by more than 6 orders
of magnitude and the quasi-static contraction of the protos-
tar follows instead of the dynamical collapse.

3.1.4. T he Birth of a Protostar
L69 and WN reported rebound of the second core just

after its formation. In our results, indeed, a shock wave
propagates outward as if the second core rebounded (see
Fig. 1c). The rebound, however, does not actually occur
because the velocity always remains negative everywhere.

FIG. 3.ÈTrajectories of mass elements of the cloud core are delineated
just after the second collapse. The innermost and uppermost mass shells
correspond to and respectively. Dif-M

r
\ 10~3 M

_
M

r
\ 2 ] 10~2 M

_
,

ference in mass between the neighboring shells is constant in logarithmic
scale, where See legend of Table 1 for the deÐni-* log M

r
\ 5.42 ] 10~2.

tion of t0.

The feature that the infalling gas is decelerated (but not
reversed) by an outgoing shock wave is observed more
clearly in Figure 3, which illustrates the trajectories of mass
elements during the second collapse. Here the o†set of time,

yr, is taken as the instance when thet0 4 1.7526 ] 105
second collapse begins (Table 1). As expected, is veryt0close to deÐned by equation (2). A shock wave propa-tffgates outwardly as settling the infalling material onto the
second core.

The very short second collapse phase is followed by the
main accretion phase (curves 9È13 in Fig. 4), where the
central protostar grows in mass by the steady accretion
from the infalling envelope. The duration time of the main
accretion phase is characterized by the accretion time, tacc,which is deÐned by the time required for a mass element in

TABLE 1

ELAPSED TIMES FOR THE

INITIALLY HOMOGENEOUS

MODEL

t [ t0
Label (yr) a

1 . . . . . . . [1.7522 ] 105
2 . . . . . . . [2.9237 ] 104
3 . . . . . . . [4.1894 ] 103
4 . . . . . . . [6.5192 ] 102
5 . . . . . . . [4.3844 ] 102
6 . . . . . . . [1.2656 ] 100
7 . . . . . . . [3.1250 ] 10~2
8 . . . . . . . [1.5625 ] 10~2
9 . . . . . . . 1.5625 ] 10~2
10 . . . . . . 1.8984 ] 101
11 . . . . . . 4.9265 ] 103
12 . . . . . . 2.2958 ] 104
13 . . . . . . 1.3788 ] 105

a The o†set of time, t0 4
1.7526 ] 105 yr, represents the
instance when the second col-
lapse begins.

Masunaga & Inutsuka 2000



The first core
Discovered by Richard Larson in 1969

• Switch to 𝛾 > 4/3 leads to formation of a pressure-supported object known as 
the “first core” or “first Larson core”


• Since gas is adiabatic, can model as a polytrope with n = 1/(𝛾 − 1) ≈ 3/2 or 5/2


• Quoting general result for polytropes:
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Properties of the first core
From polytropic analysis

• Specific entropy of gas in first core fixed at point of isothermal-adiabatic 
transition: P = 𝜌ad kB Tad / 𝜇mH → K = 𝜌ad1−𝛾 kB Tad / 𝜇mH


• Can plug this in to get mass and radius of first core as a function of 𝜌c:


• Reason for choosing this 𝜌c will become apparent shortly; bottom line for 
now: first core has mass ~few x 0.01 M⊙, radius ~ few AU
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Observers are looking for first cores, and there are a 
few candidates. Based on what you know about them, 

how would you go about looking for a first core?



Second collapse
H2 dissociation

• Central temperature of first core:


• For Tad = 10 K, 𝜌ad = 10−13 g cm−3, 𝛾 = 5/3, Tc = 1000 K for 𝜌c = 10−10 g cm−3: 
central temperature reaches ~1000 K once core reaches mass ~0.05 M⊙


• Temperature of 1000 K is significant because binding energy of H2 is 4.5 eV = 
5.4 × 104 kB K


• Rule of thumb: collisional dissociations start happening once temperature is 
high enough so that kBT ~ few percent of binding energy — ~1000 K for H2


• Thus collisional dissociation becomes significant at first core mass ~0.05 M⊙
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Physics question: once H2 dissociation 
starts, how will this affect the 

temperature? Hint: this is like boiling water.



Consequences of collisional dissociation

• Dissociation make nearly isothermal 
again (𝛾 ≈ 1.1), because all energy from 
compression goes into dissociation


• Since 𝛾 < 4/3, core cannot be stable → 
near-free fall collapse begins again


• H ionisation energy (13.6 eV) only slightly 
> H2 binding energy, so collisional 
ionisation occurs soon after dissociation


• Collapse only stops when all H is fully 
ionised → second core = protostar
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FIG. 2.ÈThermal evolution at the center of the cloud core is depicted
for the initially homogeneous model. The upper panel shows the energy
exchange rate between gas and dust the radiative heating rate("gd), (i

E
cE),

the radiative cooling rate and the compressional heating rate of(4ni
P

B),
as functions of the central density. For g cm~3 the radiative!g) o

c
Z 10~12

heating and cooling rates are merged. The lower panel shows the central
temperature as a function of the central density.

for a free-fall time of the initial cloud core, i.e.,

tff \ n
2
S R3

2GM
\ 1.77 ] 105 yr . (2)

The adiabat recovers its steepness after the second collapse
is halted, but does not reach 5/3 as expected for mono-ceffatomic gas because the partial degeneracy of electrons
begins to dominates the pressure in the center.

All the components of dust grains evaporate at o
c
D 3

] 10~7 g cm~3 and the radiative heating and cooling rates
drop suddenly. The increasing density and temperature,
however, again raise the radiative heating and cooling rates.
The compressional heating rate of gas increases with ocuntil the collapse is almost halted at g cm ~3, whereo

c
D 1

the compressional heating rate drops by more than 6 orders
of magnitude and the quasi-static contraction of the protos-
tar follows instead of the dynamical collapse.

3.1.4. T he Birth of a Protostar
L69 and WN reported rebound of the second core just

after its formation. In our results, indeed, a shock wave
propagates outward as if the second core rebounded (see
Fig. 1c). The rebound, however, does not actually occur
because the velocity always remains negative everywhere.

FIG. 3.ÈTrajectories of mass elements of the cloud core are delineated
just after the second collapse. The innermost and uppermost mass shells
correspond to and respectively. Dif-M
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scale, where See legend of Table 1 for the deÐni-* log M
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tion of t0.

The feature that the infalling gas is decelerated (but not
reversed) by an outgoing shock wave is observed more
clearly in Figure 3, which illustrates the trajectories of mass
elements during the second collapse. Here the o†set of time,

yr, is taken as the instance when thet0 4 1.7526 ] 105
second collapse begins (Table 1). As expected, is veryt0close to deÐned by equation (2). A shock wave propa-tffgates outwardly as settling the infalling material onto the
second core.

The very short second collapse phase is followed by the
main accretion phase (curves 9È13 in Fig. 4), where the
central protostar grows in mass by the steady accretion
from the infalling envelope. The duration time of the main
accretion phase is characterized by the accretion time, tacc,which is deÐned by the time required for a mass element in

TABLE 1

ELAPSED TIMES FOR THE

INITIALLY HOMOGENEOUS

MODEL

t [ t0
Label (yr) a

1 . . . . . . . [1.7522 ] 105
2 . . . . . . . [2.9237 ] 104
3 . . . . . . . [4.1894 ] 103
4 . . . . . . . [6.5192 ] 102
5 . . . . . . . [4.3844 ] 102
6 . . . . . . . [1.2656 ] 100
7 . . . . . . . [3.1250 ] 10~2
8 . . . . . . . [1.5625 ] 10~2
9 . . . . . . . 1.5625 ] 10~2
10 . . . . . . 1.8984 ] 101
11 . . . . . . 4.9265 ] 103
12 . . . . . . 2.2958 ] 104
13 . . . . . . 1.3788 ] 105

a The o†set of time, t0 4
1.7526 ] 105 yr, represents the
instance when the second col-
lapse begins.

Masunaga & Inutsuka 2000
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Question: this story says that protostars form once the 
first core exceeds few × 0.01 M⨀. What happens to 

brown dwarfs, which may never reach this mass? Do 
they remain first cores forever? If not, why not?



Structure of the envelope
Overall picture

• Once hydrostatic protostar forms, matter 
rains down on it and stops in a shock


• Radiation escapes shock, propagates 
outward; close to shock, no dust grains 
survive because temperature is too high


• Radiation free-streams through dust-free 
zone until it hits dust, then is absorbed


• Radiation diffuses outward through dusty 
zone, eventually escaping
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The accretion shock
Basic properties

• Matter falling onto star loses kinetic energy at rate


• Most of this goes into radiation; only a small fraction trapped inside star


• Pre-shock velocity is


• Can compute post-shock temperature from RH jump conditions: for Mach 
number >> 1,  
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The accretion shock
Effective temperature

• Post-shock temperature guarantees that gas falling onto star is very opaque 
— lots of metal lines to absorb radiation at EUV frequencies


• As a result, radiation is trapped near star until it thermalises, star radiates a 
nearly blackbody-spectrum


• Effective temperature set by energy balance:


• Therefore most protostars have reddish intrinsic colours
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The dust destruction zone
Grain temperatures

• Consider a dust grain of size a at distance r from accreting protostar; its 
equilibrium temperature is set by balance between absorption and emission:


• Solve for dust temperature:


• Temperature falls with radius; close to star, Td approaches T∗ 

• However, solid dust will vaporise at temperatures above ~1000 - 1500 K 
(depending on composition) → no dust grains survive too close to star 
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Dust destruction radius
Where grains can survive

• Given grain sublimation temperature Ts, can solve for minimum radius at 
which any grains can survive:


• Since star emits almost no ionising photons (due to low T∗), and only dust can 
absorb most non-ionising photons, region inside rd is effectively transparent 
— known as the “opacity gap”


• Radiation impacting dust destruction front therefore has same frequency 
distribution as that leaving star
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The dusty envelope
Structure of the dust destruction front

• Density at dust destruction front is approximately given by:


• Stellar radiation spectrum peaks at wavelength


• MW dust opacity at 440 nm is 𝜅 ~ 8000 cm2 g−1, so mean free path for 
photons is 1 / 𝜅𝜌 ~ 109 cm ~ 10−4 AU → dust destruction front is very thin
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The dusty envelope
Diffusive transport of radiation

• Dust at dust destruction front is at temperature Ts ~ 1000 K — lower than 
stellar surface temperature by factor of ~4


• Radiation re-emitted by dust is therefore at factor of ~4 longer wavelength, ~2 
𝜇m — near IR


• Opacity scales as 𝜅 ~ 𝜆−2, so mean free path of re-radiated photons is a factor 
of ~16 larger — but this is still tiny!


• Implication: radiation re-emitted by dust must diffuse outward, cannot free-
stream and escape either



The dusty envelope
Temperature structure

• In diffusive zone, radiation flux obeys


• Luminosity passing through shell at radius r is just 4𝜋r2F — but this must 
equal stellar luminosity in order to conserve energy


• Thus temperature obeys


• If 𝜅R ~ T𝛼 and 𝜌 ~ r−𝛽, temperature is a power law T ~ r−k with


• Typical 𝛼 ~ 0.8, 𝛽 ~ 1.5, so k ~ 0.8 — temperature falls from ~1000 K at ~0.5 
AU to ~10 K at ~150 AU; actual drop-off a bit shallower, due to failure of 
diffusion approximation at larger radii
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