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A B S T R A C T 

We simulate an isolated, magnetized Milky Way-like disc galaxy using a self-consistent model of unresolved star formation and 

feedback, evolving the system until it reaches statistical steady state. We show that the quasi-steady-state structure is distinctly 

layered in galactocentric height z, with a broken power-law structure in Alfven Mach number and plasma beta. Magnetic 
pressure exceeds turbulent and thermal pressures after the gas is depleted to levels below that of the present-day Galaxy, but is 
subdominant at higher gas fractions and star formation rates. We find field strengths, gas surface densities, and star formation 

rates that agree well with those observed in the Solar neighbourhood. The most significant dynamical effect of magnetic fields 
on the global properties of the disc is a reduction of the star formation rate by a factor of 1.5–2 with respect to an unmagnetized 

control simulation. At a fixed star formation rate of approximately 2 M � yr −1 , there is no significant difference in the mass 
outflow rates or profiles between the magnetized and non-magnetized simulations. Our results for the global structure of the 
magnetic field have significant implications for models of cosmic ray-driven winds and cosmic ray propagation in the Galaxy, 
and can be tested against observations with the forthcoming Square Kilometre Array and other facilities. Finally, we report the 
disco v ery of a physical error in the implementation of neutral gas heating and cooling in the popular GIZMO code, which may 

lead to qualitatively incorrect phase structures if not corrected. 

Key words: MHD – ISM: magnetic fields – Galaxy: general. 
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 I N T RO D U C T I O N  

he role of magnetic fields in the Galaxy has been long debated.
he disco v ery of polarized starlight by Hiltner ( 1949 ) and Hall &
ikesell ( 1949 ) led to the hypothesis that the observed polarization
as caused by dust grains aligned with the magnetic field in the

nterstellar medium, with the immediate implication from the ob-
erved polarization direction that Galactic magnetic fields are aligned
arallel to the Galactic plane, i.e. are toroidal (Davis & Greenstein
949 , 1951 ). At nearly the same time, Fermi ( 1949 ) theorized
hat fluctuating magnetic fields in the interstellar medium were the
rigin of cosmic rays (via ‘second-order Fermi acceleration’). Soon
fterward, the Galactic radio emission first observed by Jansky and
eber was proposed to be due to the radiation produced by the
yration of cosmic rays around magnetic fields (Kiepenheuer 1950 ).
hese theoretical advances were followed by radio observations of
olarized Galactic emission and Faraday rotation in the interstellar
edium in the 1950s and 1960s (see Wielebinski 2012 for a detailed

istorical re vie w of polarized radio observ ations). 
In parallel with this observational progress, theorists began to con-

ider the possible dynamical role of magnetic fields. This topic was
rst considered by Alfv ́en ( 1942 ), who argued that magnetic fields
ay be dynamically important on the surface of the sun through their
ave interactions with partially ionized gas, and Fermi ( 1949 ), who
 E-mail: ben.wibking@anu.edu.au 
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ecognized that the same considerations applied to the interstellar
edium, further proposed that the energy of the Galactic magnetic
eld should be of order the energy of the turbulent motions of the
as, implying a magnetic field strength of order ∼μG. Ho we ver, the
opology of the field, and in particular its structure as one mo v es a way
rom the Galactic plane, remain uncertain. One possible picture is
ro vided by P arker ( 1966 ), who disco v ered an MHD instability of
oroidal fields that leads to the magnetic field buckling into loops
bo v e the plane. Ho we v er, P ark er’s instability w as suppressed in
he magnetohydrostatic model of Boulares & Cox ( 1990 ), which
roposed a significant vertical (i.e. poloidal) component of the
agnetic field at ∼kpc heights abo v e the Galactic plane and allowed

or the diffusion of cosmic rays within a region of tangled (but mean-
oroidal) magnetic fields near the plane, yielding a solution with
pproximate energy equipartition between turbulent motions, cosmic
ays, and magnetic fields, and an extended distribution of H II gas at
eights | z| � 1 kpc (the so-called Reynolds layer; Reynolds 1989 ).
his basic picture of the magnetohydrostatic steady-state structure of

he gas, cosmic rays, and magnetic fields of the Galaxy has survived
o the present. 

The uncertainty in the field topology is only one of several
utstanding questions about the origin and dynamical role of the
agnetic field. One major area of uncertainty is the origin of the field,

nd whether it is go v erned by a mean field dynamo process (e.g. Gent
t al. 2021 ). A second is how magnetic fields interact with galactic
inds driven by either supernova breakout (e.g. Tomisaka 1998 ) or by

osmic rays (e.g. Breitschwerdt, McKenzie & Voelk 1991 ; Everett
© 2022 The Author(s) 
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1 This split treatment of the ionization state is a reasonable approximation 
because almost all free electrons in the ISM come from the ionization of 
hydrogen and helium. Ionization equilibrium cannot be assumed to hold in 
general because the warm neutral medium has a hydrogen ionization time- 
scale that is significantly longer than its cooling timescale (e.g. Wolfire et al. 
2003 ). 
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t al. 2008 ; Mao & Ostriker 2018 ; Quataert, Thompson & Jiang
022 ). There have been some attempts to address these questions
n magnetohydrodynamic (MHD) cosmological simulations (e.g. 
akmor & Springel 2013 ; Pakmor et al. 2017 ; Su et al. 2017 ; Pakmor
t al. 2018 ; Hopkins et al. 2020 ; we note that Pakmor & Springel
013 carried out isolated simulations but with comparable resolution 
nd physics to cosmological simulations) and isolated disc MHD 

imulations (e.g. Ntormousi 2018 ; K ̈ortgen et al. 2019 ), but these
fforts have been somewhat limited by resolution. Non-zoom-in 
osmological simulations, such as the highest resolution Illustris- 
NG simulations (Pillepich et al. 2019 ; Nelson et al. 2019 ), have a

esolution of � x ∼ 150 pc at the mean density of the Milky Way’s
nterstellar medium ( n H ∼ 1 cm 

−3 ), meaning the gas scale height of
he Milky Way ( h ∼ 100 pc) is resolved with less than one gas particle
n the diffuse interstellar medium. Zoom-in cosmological simulations 
o only slightly better, reaching � x ∼ 60 pc at n H ∼ 1 cm 

−3 , thereby
esolving the scale height with � 2 gas particles (e.g. Pakmor et al.
017 ; Hopkins et al. 2020 ). This is clearly insufficient to capture the
opology of the field and its changes in and out of the plane. 

On the other end of the resolution spectrum lie MHD simulations
f local patches of the Milky Way, such as those of Kim et al.
 2016 ), Kim, Choi & Flauger ( 2019 ), Kim et al. ( 2020 ), Kim &
striker ( 2017 ), Kim & Ostriker ( 2018 ), and Rathjen et al. ( 2021 ).
hese simulations benefit from uniform parsec-scale resolution of 
ll of the phases of the interstellar medium, but they cannot resolve
he global structure of the disc in radius and height, which means
hat cannot address questions of the field topology . Additionally , as
mphasized by Martizzi et al. ( 2016 ), any local simulation does not
llow streamlines to diverge in outflows that would otherwise be 
pherical, thus preventing the outflow from crossing the sonic point 
f a classical hot superwind (Che v alier & Clegg 1985 ). This limits
heir ability to study the interaction of magnetic fields with outflows. 

These limitations in previous work moti v ate us to consider an
ntermediate resolution regime. We present a new dynamical model 
f the Galaxy, evolved for ∼1 Gyr until it has reached a quasi-steady-
tate. We reach roughly an order of magnitude higher mass resolution 
han even zoom-in cosmological simulations of Milky Way-like 
alaxies, and, though our resolution is still substantially smaller 
han that in local patch simulations, we retain the full geometry 
f the problem, so that we can study field topology and outflows.
elati vely fe w simulations of this type have been published, and

hose have largely been concerned with studying the magnetization 
f the neutral medium (e.g. Wang & Abel 2009 ) or attempting to
xplain and interpret the observed Faraday rotation sky (e.g. Kulpa- 
ybeł et al. 2015 ; Butsky et al. 2017 ). There have been no previous

fforts to use simulations of this type to map out the vertical structure
nd topology of the magnetic field, or to study how fields interact
ith galactic winds. These questions are the focus of our study. 
This paper is organized as follows: Section 2 details the numerical 
ethods used in our simulations, including the ‘subgrid models’ 

sed for star formation and feedback; Section 3 describes the initial 
onditions and evolution of our simulations as they relax into a 
uasi-steady-state; Section 4 summarizes the zonal structure of the 
imulations in steady state, the dependence of outflow rate on star
ormation rate (SFR), and the observations to which our simulations 
ay be compared. We conclude in Section 5 with a summary of our

esults and possible future directions for research. 

 M E T H O D S  

e solve the equations of ideal MHD using the GIZMO code 
Hopkins 2015 ), which implements the method of Hopkins ( 2016 )
nd Hopkins & Raives ( 2016 ). This method significantly impro v es
pon the divergence-cleaning approach of Dedner et al. ( 2002 )
y the addition of a local approximate Hodge projection that 
urther suppresses numerical magnetic monopoles in the discrete 
agnetic field. Note that we use the MHD solv er ev en when

unning simulations with zero magnetic field in order to ensure 
hat our results are not biased by the use of a different solver
n different simulations. Since we initialize the magnetic field in 
hese simulations to zero, it remains exactly zero at all subsequent
imes. 

In addition to MHD, we solve a time-dependent chemistry network 
or the abundance of H I , H II , He I , He II , He III , and free
lectrons that we use to compute the atomic cooling rates for
ydrogen and helium. Additionally, we interpolate from a table of 
etal line cooling rates as a function of density and temperature

assuming ionization equilibrium and solar metallicity) that was 
omputed using CLOUDY (Ferland et al. 1998 ) following the method
f Smith, Sigurdsson & Abel ( 2008 ), as implemented in the GRACKLE

hemistry and cooling library (Smith et al. 2017 ). 1 We assume an
ptically thin, spatially uniform photoionizing background radiation 
eld based on the redshift z = 0 tabulation from Haardt & Madau
 2012 ) when computing the ionization state and cooling rates for
oth primordial species and metals. For gas at temperatures T <

 × 10 4 K, we also assume a photoelectric (volumetric) heating 
ate 

 pe = 8 . 5 × 10 −26 n H erg cm 

−3 s −1 , (1) 

here n H is the sum of H I and H II number densities, which
s the default setting for photoelectric heating in GRACKLE and 
grees at order of magnitude with the solar neighbourhood value 
f photoelectric heating calculated by Wolfire et al. ( 2003 , their
quation 19). 

The GRACKLE cooling implementation results in a three-phase 
eutral ISM, with a warm phase (WNM), a cool phase (CNM), and
n unstable phase at intermediate temperatures. We use GRACKLE 

ather than the default cooling implementation in GIZMO , as used
n, e.g. the FIRE-2 simulations (Hopkins et al. 2018b ), because the
efault GIZMO cooling implementation contains an error that prevents 
t from producing an unstable phase of the neutral ISM, as shown in
ppendix A . 
Using the implementation in GIZMO (originally based on that 

f Springel 2005 ), we form stars by stochastically converting gas
articles into star particles (e.g. Katz, Weinberg & Hernquist 1996 )
uch that the expectation value of the instantaneous SFR density 
atisfies 

 SFR 〉 = 

d( −pρ) 

d t 
= 

{
0 ρ < ρcrit , 

ρε� /t ff ρ ≥ ρcrit , 
(2) 

here p is the probability of star formation, ρ is the gas density, ε� 

s the star formation efficiency parameter, and 

 ff = 

√ 

3 π/ 32 Gρ , (3) 

s the gas free-fall time-scale. We choose the critical gas density
crit = 100 H cm 

−3 , where this density is approximately the Jeans 
ensity for 50 K gas at our gas particle mass resolution, and we
MNRAS 521, 5972–5990 (2023) 
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et the star formation efficiency parameter ε� = 0.01 to match
he observed star formation efficiency per free-fall time in dense
olecular clouds (see e.g. Fig. 10 of Krumholz, McKee & Bland-
awthorn 2019 and references therein). For densities ≥100 times that
f the critical density ρcrit , we increase the star formation efficiency
arameter to unity in order to a v oid runaway collapse in Jeans-
ass-unresolved dense regions with infinitesimal time-steps. 2 We

ote that this star formation criterion implies that o v er a time-step,
he star formation probability p for a given gas particle takes the
orm 

 = 1 − exp ( −ε� �t/t ff ) , (4) 

ince we must integrate equation ( 2 ), which gives a probability rate ,
 v er a time-step � t in order to obtain a probability p (Katz et al.
996 ). 
We implement photoionization feedback following the method of

rmillotta et al. ( 2019 ), which re-implements the Stromgren volume
ethod described by Hopkins et al. ( 2018b ). Ho we ver, because our

esolution is lower than that of Armillotta et al. ( 2019 ), for this paper
e do not use stochastic sampling from the IMF for each star particle.

nstead, for simplicity, we assume that the stellar initial mass function
s fully sampled, and we adopt a constant ionizing luminosity of 10 39 

onizing photons per second per 100 M � of stellar mass from birth
o 5 Myr after formation, and zero thereafter. We note that in our
mplementation, while a gas particle is identified as being within an
 II region, the cooling and heating source terms are turned off for

hat particle. 3 

F or superno va feedback, we use the method of Hopkins et al.
 2018a ) as implemented in GIZMO . In simplified form, this method
ouples the momentum from the unresolved Sedov–Taylor phase to
he faces of the neighbouring fluid elements. Then, after subtracting
he resulting kinetic energy from a fiducial explosion energy of 10 51 

r g, the remaining ener gy is coupled to the neighbouring gas particles
s a thermal energy source term, with a minimum thermal energy
njection of one-half of the initial explosion energy. This method is
ery similar to the algorithm of Kimm & Cen ( 2014 ), except that the
IZMO algorithm also adds the momentum of the pre-shock ejecta and
as minor differences in the treatment of the difference between the
imulation frame and the explosion frame. The fiducial normalization
f the maximum injected momentum from the unresolv ed Sedo v–
aylor phase used by GIZMO is 4 

 SN ,t = 6 . 79 × 10 5 
(

E SN 
10 51 ergs 

)
f −0 . 14 

n f −0 . 14 
Z M � km s −1 , (5) 
NRAS 521, 5972–5990 (2023) 

 When using MFM/MFV methods, and unlike in SPH, this problem cannot 
e solved by setting a nonzero gas particle kernel smoothing length, since 
he ef fecti ve volume of the gas particles in these methods is determined 
y the nearest neighbour distance, not the smoothing length (see Hopkins 
015 ). Setting a nonzero minimum gas smoothing length that is greater than 
he nearest neighbour distance between particles when using MFM/MFV 

ethods causes an e xplosiv e (and catastrophic) numerical instability. 
 This may explain the somewhat discrepant outcomes between our simula- 
ions and the comparable simulations of Jeffreson et al. ( 2021 ), who instead 
nd that thermal H II region feedback at our resolution was inef fecti ve. 
ef freson et al. ( 2021 ), ho we ver, enforce a temperature floor in H II regions, 
ather than disabling the non-adiabatic heating and cooling terms altogether. 
 The normalization as implemented in the public source code of GIZMO is 
reater than the published normalization value (Hopkins et al. 2018a ) by a 
actor of 

√ 

2 . Additionally, GIZMO prior to October 2020 did not correctly 
ormalize the momentum injected according to equation (18) of Hopkins 
t al. ( 2018a ), which meant that the total momentum injected was dependent 
n the particle configuration surrounding a given star particle. In ∼1 per cent 
f cases, this may lead to an unphysically large injection of momentum. 
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here 

 n ( n ) = 

{
0 . 001 n < 0 . 001 

n 

1 H cm 

−3 n ≥ 0 . 001 
(6) 

nd 

 Z = 

⎧ ⎪ ⎨ 

⎪ ⎩ 

0 . 001 Z/Z � < 0 . 01 (
Z 

Z �

)1 . 5 
0 . 01 ≤ Z/Z � < 1 

Z 
Z � Z/Z � ≥ 1 

(7) 

his normalization is somewhat larger than the commonly used
ormalization of 3 × 10 5 M � km s −1 (Thornton et al. 1998 ), but
s consistent with the wide range of values proposed in the literature
e.g. Kim & Ostriker 2015 ; Gentry et al. 2017 , 2019 ; Gentry,

adau & Krumholz 2020 ). Following the default used in GIZMO ,
e assume a constant supernova rate of 3 × 10 −4 SNe M �−1 Myr −1 

or star particles with ages 0 < t age < 30 Myr. Each event is assumed
o have an explosion energy of 10 51 erg. We neglect type Ia supernova
xplosions in our model. 

 SI MULATI ONS  

.1 Initial conditions 

e carry out two simulations: one with hydrodynamics only and
ne with MHD. The initial conditions of the gas and collisionless
omponents in both simulations are identical to those used by the
GORA isolated disc galaxy comparison project in their ‘high-

esolution’ case (Kim et al. 2016 ). These include a dark matter halo
omponent of mass M 200 = 1.07 × 10 12 M � (defined as the mass
nclosed within a mean density of 200 times the critical density) with
 concentration parameter c = 10, a stellar disc of mass 3.4 × 10 10 

 �, a bulge of mass 4.3 × 10 9 M �, and a gas disc of mass 8.6 × 10 9 

 �. This implies a gas fraction of ∼20 per cent by mass in the initial
onditions. The stellar disc has a scale height of approximately 350 pc
nd thus represents the observed stellar ‘thin disc’ in the Galaxy. The
as disc has a scale height of R 0 = 3.43218 kpc and scale length z 0 =
.343218 kpc, with the gas disc initialized with the density profile 

( r, z) = ρ0 exp ( −R/R 0 ) exp ( −| z| /z 0 ) . (8) 

he gas temperature and circular velocity are initially computed via
olution of the Jeans equations to be in hydrostatic and centrifugal
quilibrium using the method described by Springel, Di Matteo &
ernquist ( 2005 ). Ho we v er, we o v erride the hydrostatic temperature
alues with a uniform gas temperature of 10 4 K within the disc in
rder to allow the disc to rapidly cool and collapse to form stars.
fter stars form, the disc is then partially re-inflated by the injection
f momentum and energy from supernovae. Our simulations use
as particles with mass 859.3 M �, dark matter particles with mass
.254 × 10 5 M �, and stellar disc and bulge particles with mass
.4373 × 10 3 M �. (Star particles formed during the simulation have
he mass of the gas particle from which they were stochastically
onverted.) 

In the MHD simulation, the initial magnetic field is 

 R = 0 , (9) 

 φ( R, φ, z) = B 0 exp ( −R/R 0 ) exp ( −| z| /z 0 ) , (10) 

 z = 0 , (11) 

here B 0 = 10 μG. This field is analytically divergence free.
o we ver, when discretized on to the gas particles in the initial
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onditions it is not, but the residual numerical divergence is rapidly 
ransported outside the domain via divergence-cleaning and local 
pproximate Hodge projection (Hopkins 2016 ). This field geometry 
purely toroidal) and strength are chosen to be in rough approximate 
greement with the observed ‘ordered’ (or ‘regular’) magnetic field 
f the Galaxy (Beck 2015 ), with the expectation that the turbulent
omponent of the field (as well as any non-toroidal component) 
ould be generated by the gravitational collapse and stellar feedback 

n the simulation. 

.2 MHD simulation 

e run the MHD simulation for a time t = 976 Myr. The face-on
rojected density, the face-on projected SFR, and the face-on, in- 
lane magnetic field of the final output of the simulation are shown
n the left column of Fig. 1 . We see morphology typical of an S0
alaxy, with relatively weak spiral arms and no visible bar. The lack
f a bar or a grand design spiral pattern may be due to a lack of close-
n orbiting satellites, such as the Large Magellanic Cloud, which 
re absent in our simulation. The surface density normalization is 
oughly consistent with observations of the Milky Way, with values 
n the range of 50 −100 M � pc −2 . 

The magnetic field strength generally ranges from 10 to 100 μG, 
hich is also consistent with observations when compared with the 

otal magnetic field strength, not just the so-called ordered field. 
e have illustrated the magnetic field with arrows to conv e y the

ense of the magnetic field direction. There do not appear to be
ny magnetic field reversals in the azimuthal direction (i.e. along a 
ircular orbit), which is in tension with the common interpretation of
he Galactic Faraday rotation measurements that suggest a reversal 
f the azimuthal magnetic field direction between spiral arms 
Beck 2015 ). Ho we ver, since our initial conditions do not hav e an y
agnetic field reversals (the initial field is everywhere aligned in the 
 φ direction), nor any gas accretion from halo gas or cosmological 

ources, the lack of field reversals may not be unexpected. The 
echanism for generating field reversals is unknown, although 

hey are seen in some cosmological simulations of magnetic fields 
Pakmor et al. 2018 ), and are suggested to form as a result of a
ean-field dynamo process (Beck 2015 ). 
In the top left panel of Fig. 2 , we show the SFR as a function

f elapsed simulated time. We see that it initially spikes at a value
f around 10 M � yr −1 , as a the disc cools and there is insignificant
urbulence (or any other feedback processes) to slow the collapse 
f gas and subsequent formation of stars. The SFR then slowly 
eclines as collapse and feedback processes come into a quasi- 
quilibrium toward the end of the simulation, plateauing at a rate 
f ∼1 −2 M � yr −1 . As star formation proceeds, the gas is necessarily
onsumed. In the top right-hand panel of Fig. 2 , we show the gas
raction of the disc (computed as the mass of gas particles relative
o the total non-dark-matter mass). From the initial gas fraction of

0.2, we see a slow decline o v er ∼1 Gyr to a value of ∼0.1 gas
raction. The decline in gas fraction is somewhat more rapid than the
ecline in SFR, so the total depletion time (bottom left-hand panel of
ig. 2 ), defined as the ratio of the gas mass to the SFR, very gradually

ncreases as the simulation runs, reaching ≈6 − 8 Gyr at the final
ime. This is roughly consistent with the depletion times observed in 
earby spiral galaxies, where molecular gas depletion times average 
2 Gyr (e.g. Leroy et al. 2013 ), but molecular gas constitutes only
1/3 −1/4 of the total gas mass (with the balance as H I ; Saintonge

t al. 2011 ), so the total gas depletion time is a ≈6 −8 Gyr. 
Finally, the lower right-hand panel of Fig. 2 shows the gas 
ass-weighted mean magnetic field of the MHD simulation. The 
nitialization of the magnetic field according to equation ( 11 ) implies
 mass-weighted mean field of ∼1 μG. The field is subsequently
trongly amplified by the initial burst of star formation described 
reviously, and then relaxes into a quasi-steady-state value of ∼7 μG.
In Fig. 3 , we show the mass-weighted distribution of temperature

nd gas density in the MHD simulation (left-hand panel) and the
ass-weighted distribution of thermal pressure and gas density in 

he MHD simulation (right-hand panel). For comparison, we also 
 v erplot as solid lines the equilibrium temperature and thermal
ressure as a function of density for our adopted radiative heating and
ooling physics (using Grackle version 2.2; Smith et al. 2017 ). We
ee that the gas in the simulation quite closely tracks the equilibrium
urv es, e xcept at low densities, where the gas is far out of thermal
quilibrium due to shock heating from supernova feedback, and in 
ense clouds that are heated to ∼10 4 K due to photoionization from
tars � 5 Myr old, in good agreement with similar simulations of the

ilky Way ISM (e.g. Goldbaum, Krumholz & Forbes 2016 ; Kim &
striker 2017 ). There is also a small systematic offset from thermal

quilibrium in the warm neutral medium due to the ionization equi-
ibrium time-scale generally exceeding the cooling time in this phase, 
n effect anticipated from theory (Wolfire et al. 2003 ). Some recent
imulations (e.g. Hopkins et al. 2018b ; Gurvich et al. 2020 ) show
arge deviations of cold neutral gas from its thermal equilibrium state.
uch behaviour is almost certainly incorrect given the extremely short 
ooling times of cold neutral gas (e.g. Wolfire et al. 2003 ) and is more
ikely due to the error affecting the heating and cooling rates of dense
as in these simulations that we identify in Appendix A . 

.3 Hydrodynamics-only simulation 

e run an additional simulation without magnetic fields as a control
n order to examine the differences between the magnetic and non-
agnetic simulations. For this simulation, we simply set the initial 
agnetic field to zero everywhere, and leave all other properties of

he initial conditions as they are in the previous simulation. We use
he same code settings, including using the MHD solver, in order to
nsure that the differences between the two simulations are entirely 
ue to the presence (or absence) of magnetic fields, not the numerical
roperties of the hydrodynamic versus MHD solver. 
Examining the bulk properties shown in Fig. 2 , we see that the non-
agnetized simulation has a greater initial burst of star formation, 

eaking just abo v e 12 M �yr −1 (upper left-hand panel). This burst is
eflected in a steeper initial decline of the gas fraction (upper right-
and panel). In contrast to the magnetized simulation, following the 
nitial burst, the SFR rapidly declines, undergoes a second burst 
t a time ∼200 Myr, and then slowly declines o v er the ne xt sev eral
undreds of Myr to an SFR of ∼2 M �yr −1 . The larger initial burst but
lower decline means that the gas fraction of the hydro simulation
s very similar to the MHD simulation after both simulations are
topped after t ∼ 1 Gyr (upper right-hand panel). As a result of the
lightly higher quasi-steady-state SFR compared to the magnetized 
imulation, the gas depletion time-scale has a quasi-steady-state 
alue of ∼4 Gyr when the simulation is stopped, which is 1.5–2 times
ower than the value for the magnetized disc. 

 DI SCUSSI ON  

.1 Global magnetic structure 

ne of the primary goals of our study is to determine the global
tructure of the magnetic fields in and around Milky Way-like 
isc galaxies, and the relationship of the field structure to other
MNRAS 521, 5972–5990 (2023) 
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Figure 1. First row: The face-on density projection of the MHD simulation (left) and the hydrosimulation (right) at time t ∼ 1 Gyr. Second row: The face-on 
projected SFR surface density expectation value of the MHD simulation (left) and the hydro simulation (right). Third row: The face-on in-plane magnetic field 
strength of the MHD simulation, with the field direction indicated via arro ws. Arro ws are normalized by the local total magnetic field rather than just the in-plane 
field, so shorter arrows correspond to locations where the out-of-plane component is a larger proportion of the total. 
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Simulated Milky Way magnetic fields 5977 

Figure 2. Top left: The SFR of the simulations as a function of time. Top right: The gas fraction of the simulations as a function of time. Bottom left: The gas 
depletion time-scale of the simulations as a function of time. Bottom right: The mass-weighted mean magnetic field of the MHD simulation as a function of 
time. 
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5 Note that there is no hot coronal gas in our initial conditions, so any hot gas 
present must be the result of supernova shocks. 
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hysical quantities. To begin this investigation, in Fig. 4 we show the
zimuthally averaged (i.e. in the φ-direction) structure of the disc in a
umber of quantities; all quantities shown are mass-weighted means 
xcept for the mass flux, which is an intrinsically volumetric quantity. 
hese projections in the radius-vertical height plane illustrate the 
istinct ‘atmospheric’ components present in the disc. The azimuthal 
verages for Alfven Mach number and plasma beta clearly show three 
istinct zones – a very thin disc ∼300 pc in size near the mid-plane,
 thicker, ∼2 −3 kpc-wide zone around that, and then a distinct third
one at larger heights. This structure is reminiscent of a multilayered 
ake. Henceforth, we will refer to this stratification as the ‘layer-cake 
tructure’ of the disc. 

In the upper left-hand panel of Fig. 4 , we see that the gas density is
pproximately exponentially distributed in the vertical direction, as 
xpected. There is some substructure within the disc, as well as a few
iloparsec-scale plumes of gas abo v e the disc as a result of supernova-
ri ven hot outflo ws. 5 The scale height of the gas density increases
ith galactocentric radius, indicating a ‘flaring’ disc structure. In 
ppendix B , we quantify this flaring with profiles of gas scale height
ersus galactocentric radius at both our intermediate simulation 
poch ( t ∼ 550 Myr) and our final simulation epoch ( t ∼ 1 Gyr).
e also show radial column density profiles at the two times for

omparison. 
In the upper right-hand panel, we see the magnetic field strength,

ith the direction of the field indicated with arrows. The magnetic
eld strength in the galactic centre is of order 100 μG, consistent with
bservations (Beck 2015 ). The field strength falls off with height and
adius less steeply than the gas density, a phenomenon observed in
MNRAS 521, 5972–5990 (2023) 
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Figure 3. Left: The temperature-density distribution of gas in the MHD simulation. Right: The pressure-density distribution of gas in the MHD simulation. 
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ther simulations and suggested by observ ations. Ho we ver, unlike
he gas density, the magnetic field does not vary smoothly with
eight. Instead, it is significantly tangled at heights of within ∼1 kpc,
onsistent with the schematic field geometry of Boulares & Cox
 1990 ) that was suggested by observations at the time. At large
eights ( > 3 kpc), the field becomes coherent on kiloparsec scales,
ith the projected field lines stretching nearly vertically out of

he galaxy near zero galactocentric radius, whereas the projected
eld lines further away in radius ( > 5 kpc) curve towards the disc
nd may form toroidal flux tubes at heights of several kiloparsecs
bo v e the disc, as seen at R ≈ 10 kpc and z ≈ 7 kpc in the
mage. 

The middle left-hand panel shows the temperature. We see a
old gas disc (50 −100 K) in the inner z < 300 pc region. The
old disc is surrounded by a region of significant spatial extent,
anging from ∼300 −500 pc to ∼3 kpc, with gas at temperatures
etween several thousand Kelvins and ∼10 4 K. The outer part of this
egion can be identified with the so-called Reynolds layer (Reynolds
989 ) of diffuse ionized gas surrounding the Galaxy. Further out
n height ( > 3 kpc), the gas temperature is typically around 10 6 K,
riginating from the hot outflows driven by supernovae, intermixed
ith ‘plumes’ of rapidly cooling intermediate temperature ( ∼10 5 K)
as. 

The middle right panel of Fig. 4 shows the vertical mass flux,
hich we define as Ṁ z ≡ ρv z sgn ( z), i.e. positive values indicate
ass flow away from the mid-plane, while ne gativ e values indicate
o w to wards it. We use a diverging logarithmic colour scale, so that
olour indicates flow direction – outflows are purple and inflows are
range. The strength of outflo ws/inflo ws is largest at the mid-plane
 z = 0) of the galaxy, with a sharp drop-off in magnitude with height,
nd the direction of inflow or outflow shows many local reversals.
his is suggestive of a fountain-type of outflow. At large heights
 > 3 kpc), by contrast, we see mostly coherent outflow, with only
mall patches of inflow, suggesting that this region is not primarily
 fountain, but instead represents a true wind of mass leaving the
alaxy. 
NRAS 521, 5972–5990 (2023) 
The dimensionless plasma beta ( P thermal / P magnetic ) is plotted in the
ower left-hand panel. We see the same basic ‘layer-cake’ structure
n plasma beta as a function of galactocentric height, but with a

ore pronounced intermediate region. At time t ∼ 550 Myr, the
as disc is supported by turbulent pressure, with magnetic pressure
bout one order of magnitude less significant, and thermal pressure
bout one order of magnitude smaller still. Ho we ver, this is not a
teady-state situation: as the gas depletes, the ratio of turbulent to
agnetic pressure decreases, so by t ∼ 1 Gyr magnetic pressure

s a factor of several larger at the mid-plane, as we discuss further
elow. The bubble-like substructure is likely a result of individual
 II regions and supernova remnants. Above this, there is a ‘corona’
f magnetically dominated gas extending to ∼3 kpc, with stronger
agnetic dominance toward the galactic centre. Abo v e this corona is
 gas-pressure-dominated region that is the product of hot outflows.
ll of these features are likely related to the decreased turbulent

nput power as a result of the lower SFR (making the turbulent
ressure significantly lower) and the smaller gas fraction (making
he magnetic pressure slightly larger). 

Finally, the lower right-hand panel shows the ratio of the toroidal
omponent ( B φ) to the total magnetic field strength. Again, we see
 zonally stratified structure near the plane. First focus on the outer
isc, R � 5 kpc. In this radial region, near the plane at z � 300 pc,
he mean toroidal fraction is ≈0.5 (indicated by white on the plot),
ith a great deal of substructure corresponding to the positions of

ndi vidual supernov a remnants. Abo v e this, at z ∼ 0.3 −3 kpc, is a
one where the field is ≈ 80 per cent toroidal, while at even larger
eight, z � 3 kpc, the field becomes much less toroidal. The same
ayering is evident closer to the galactic centre, at R � 5 kpc, except
hat each of these zones is thinner, so the transitions between them
appen at smaller z. At the very centre of the galaxy, R � 100 pc,
he field is almost purely poloidal at all heights. 

While Fig. 4 provides qualitati ve e vidence for the existence of
istinct layers, to demonstrate it quantitatively, and to provide more
ccurate estimates for the thicknesses of the layers, we compute
ertical profiles through the disc; we define the vertical profile q R ( z)

art/stac2648_f3.eps
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Figure 4. Upper left: A ( R , z)-average projection of the gas density of the magnetized simulation at simulated time t ∼ 1 Gyr. Upper right: The ( R , z)-average 
magnetic field strength with the magnetic field direction o v erplotted with arrows in the ( R , z) plane. Each arrow is normalized by the local (azimuthally averaged) 
total magnetic field, so that smaller arrows indicate the field tends to point in the toroidal direction and larger arrows indicate the field points more towards the 
poloidal direction. Middle left: A ( R , z)-average projection of the gas temperature. Middle right: A ( R , z)-average projection of the outgoing vertical gas mass 
flux. Lower left: A ( R , z)-average projection of the plasma beta parameter. Lower right: A ( R , z)-average projection of the toroidal-to-total magnetic field ratio. 
An animated version of this figure is available in the online version of this article. 
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or some quantity q at galactocentric radius R by 

 R ( z) = 

1 

2 π

∫ 2 π

0 
q( R, φ, z) d φ, (12) 
.e. our vertical profiles are azimuthal averages computed at fixed 
adius. We show the vertical profiles of density and magnetic field at
 ∼ 560 Myr and ∼1 Gyr in Figs 5 and 6 , respectively. It is clear that
hese profiles are well described by a two-component broken power 
MNRAS 521, 5972–5990 (2023) 
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Figure 5. The vertical density profile of the MHD simulation at time t ∼ 560 Myr (left) and time t ∼ 1 Gyr (right). Solid lines show profiles measured from 

the simulations at galactocentric radii R = 1, 5, and 12.5 kpc (blue, orange, and green, respectively), while dashed lines show broken-power law fits to these 
profiles. 

Figure 6. Same as Fig. 5 , but showing vertical profiles of total magnetic field strength. 
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aw, consistent with our visual inspection in Fig. 4 that density and
otal magnetic field strength do not show three distinct layers. We
lso see that the magnetic field has a significantly greater vertical
xtent than the mass. We carry out simple least squares fits to the
rofiles, which we show as dashed lines in the figures, leaving the
reak height, the inner and outer slopes, and an o v erall normalization
s free parameters; the best-fitting break heights are printed in the
gure legend. We find that the average break height for the density
rofiles is ≈215 pc at 1 Gyr, whereas the average break radius for
he magnetic field strength profiles at the same time is ≈446 pc. 

The Alfv ́en Mach number and plasma beta vertical profiles have a
ore complicated structure, shown in Figs 7 and 8 . (See Appendix C

or details on how we compute the former of these two.) Here, we
NRAS 521, 5972–5990 (2023) 
learly see the three-zone structure that is easy to pick out by eye
n Fig. 4 ; this structure is present at both ∼560 Myr and ∼1 Gyr,
onfirming that it is a long-lived, quasi-steady feature. We fit these
rofiles with a three-component power-law model, with the inner
nd outer power slopes fixed to zero, so the free parameters are the
nner and outer amplitudes and the heights of the two breaks. Since
he profiles are constrained to be continuous, these four parameters
ully parametrize the three-component model. We again show the
est-fitting models as dashed lines, and print the best-fitting heights
f the two breaks in the figure legend. 
For the Alfven Mach number, we find sub-Alfvenic regions in the

nner R = 1.0 kpc up to 10 kpc in height. Ho we ver, we note that
his may not be representative of the Galaxy, since this snapshot (at

art/stac2648_f5.eps
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Figure 7. Same as Fig. 5 , but showing vertical profiles of Alf ́en Mach number. The dashed lines indicate a three-component power-law fit, as described in the 
main text. 

Figure 8. Same as Fig. 7 , but showing vertical profiles of plasma beta. 
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 ∼ 1 Gyr) has a substantially suppressed SFR compared to the typical
alactic SFRs and is also dominated by magnetic pressure rather 

han turbulent pressure. Excluding the R = 12.5 kpc profile, since it
ppears to be an outlier, the average break heights are at ≈440 pc and
2100 pc. The plasma beta profile has a similar structure, although 
ith different best-fitting values for the inner and outer break heights. 
gain excluding the R = 12.5 kpc profile, we find inner and outer
reak heights of ≈390 pc and ≈3900 pc at t ∼ 1 Gyr. These profile fits
oti v ate our approximate three-zone ‘layer-cake’ decomposition. 
Finally, we examine the sources of vertical pressure support that 

eep the gas disc in approximate vertical dynamical equilibrium. 
n Fig. 9 , we show the a verage turb ulent, magnetic, and thermal
ressures as a function of height abo v e the disc at a representative
alactocentric radius R = 5.0 kpc. (See Appendix C for a discussion
f how we compute the turbulent pressure.) We see the turbulent 
ressure dominates at almost all heights for the intermediate snapshot 
 t ∼ 550 Myr; left-hand panel) whereas magnetic pressure dominates 
or the final snapshot ( t ∼ 1 Gyr; right-hand panel). Thermal
ressure is subdominant to both turbulent and magnetic pressure 
or both simulation epochs, except at the largest heights ( � 3 kpc),
here thermal pressure becomes more important than magnetic 
ressure. 

.2 Comparison to obser v ations 

t is interesting to compare our vertical profiles to previous ob-
ervational estimates of the vertical structure of the gas in the
alactic disc. A challenge for any quantitative comparison is that 
revious estimates have implicitly assumed an exponential (or, 
losely related, sech 2 ) vertical profile, and quoted properties in terms
f a scale height, whereas we find more profiles that are better
MNRAS 521, 5972–5990 (2023) 
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Figure 9. The vertical pressure profiles (turbulent, magnetic, and thermal) of the MHD simulation at time t ∼ 560 Myr and t ∼ 1 Gyr for galactocentric radius 
R = 5 kpc. 
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escribed as power laws. While we can compute heights at which
he profile breaks, this is no unambiguous way to define a scale
eight from our measured profiles. Thus, a full comparison would be
est accomplished by forward modelling the observations from our
imulations, an effort we defer to future work. None the less, we can
ompare qualitatively here. 

We find that the total density in our simulations is roughly flat
o ∼200 pc, and declines as a relatively steep power law thereafter.
ualitatively, our estimate is consistent with the total mass scale
eight of 160 pc obtained by Boulares & Cox 1990 , and the
uch more recent estimate of 170 pc from McK ee, Parrav ano &
ollenbach ( 2015 ). The density of ionized gas at larger heights is also

onstrained by pulsar dispersion measures, which provide evidence
or the Reynolds layer (Reynolds 1989 ). Reynolds finds that, at the
olar Circle, the free electron density is ≈10 −2 cm 

−3 at z = 1 kpc,
alling to ≈10 −3 at z = 4 kpc. A comparison of these estimates
o the simulation profiles shown in Fig. 5 indicates good agreement,
uggesting that the region we have identified as the Reynolds layer in
ur simulations based on its qualitative appearance has properties that
re quantitatively consistent with those inferred from observations. 

We can also compare the properties of the disc in our simulations
o observed properties of the Solar neighbourhood (assumed to be
ocated at a radius of ∼8 kpc in the simulations). In the simulations,
e find an average Solar neighbourhood gas surface density of
20 M � pc −2 at the final epoch (see Appendix B ), in good agreement
ith the ≈15 M � pc −2 observed value (McKee et al. 2015 ). Similarly,
e compute a mid-plane Solar neighbourhood field strength of
5 μG in the simulations, which is consistent with the magnetic field

f ∼ 6 μG inferred from nearby diffuse H I clouds (Crutcher et al.
010 ). We can also compare to the SFR in the Solar neighbourhood,
ut this requires some care because star formation is highly stochastic
n time, and thus observational tracers that av erage o v er different
imescales do not necessarily agree with one another. Misiriotis et al.
 2006 ) find that the SFR surface density in the Solar neighbourhood
s ≈2.5 × 10 −3 M � pc −2 Myr −1 (using their values as re-scaled
y Kennicutt & Evans 2012 ) based on the Galactic distribution of
00 μμm emission, a technique that av erages o v er ∼10 −20 Myr
NRAS 521, 5972–5990 (2023) 
imescales, since these are the lifetimes of the stars responsible
or dust heating. Taking a 10 Myr average of our simulation, we
nd a Solar neighbourhood SFR ∼10 −3 M � pc −2 Myr −1 , again in
easonable agreement with observations. 

.3 Magnetic effects on superno v a-dri v en winds 

e next compare the vertical outflows of gas between the MHD and
on-MHD versions of our simulations. We compute the mass outflow
ate as 

˙
 wind ( z) = 

∫ 
δV z 

ρv · ˆ n d S, (13) 

here ρ is the gas density, v is the gas velocity vector, δV z denotes
he surface of a cylinder centred on the galaxy with radius R max and
eights ±z (abo v e and below the disc, respectively), ˆ n is the surface
ormal unit vector, and d S is the area element. We choose R max to be
7.5 kpc, encompassing virtually all of the mass of the disc. In Fig. 10
left-hand panel), we show the vertical mass flux going away from
he disc as a function of height, comparing the hydrosimulation at t ∼
 Gyr with the MHD simulation at the same simulated time and also
ith the MHD simulation at the same SFR (at an earlier simulated

ime). When comparing the two versions at the same simulated time,
e find a substantially lower mass outflow rate at all heights in the
HD simulation (suppressed by 1–2 orders of magnitude). Ho we ver,
hen the MHD and non-MHD simulations are matched at the same
FR (approximately 1.65 M �yr −1 ), there is no appreciable difference
etween the mass outflow rates as a function of height. (The large
ump at ∼4 kpc in the hydro outflow rate is due to a transient star
ormation event and has propagated outward as a tra veling wa ve, an
ffect apparent in the time-dependent version of this figure.) 

In Fig. 10 (right-hand panel), we examine the vertical energy flux
s a function of height abo v e the galactic disc for both the magnetic
nd non-magnetic simulations. We compute the total kinetic and
hermal energy in the outflow, neglecting the magnetic energy for a
onsistent comparison between the magnetized and non-magnetized
imulations. The results are qualitatively identical to the mass outflow

art/stac2648_f9.eps


Simulated Milky Way magnetic fields 5983 

Figure 10. Left: The vertical mass outflow rate as a function of height above the disc. Right: The vertical kinetic and thermal energy outflow rate as a function 
of height abo v e the disc. 
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esults, with the MHD simulation having a suppressed energy outflow 

ate with respect to the non-magnetized outflow rate when the two 
re compared at the same time, but with this effect disappearing after
ontrolling for the SFR. 

We further examine the mass outflow rate by decomposing it 
nto thermal phases, including the three phases of the neutral 
SM (cold neutral, unstable, and warm neutral; e.g. Wolfire et al. 
003 ), the warm ionized medium (WIM), the warm-hot ionized 
edium (WHIM), and a hot phase comprised of material at all 

igher temperatures, as shown in Fig. 11 . The boundary between 
old, unstable, and warm phases is determined by finding the zero- 
rossings of the deri v ati ve of the equilibrium thermal pressure with
espect to gas density d P /d n , as explained in Appendix A . The
oundary between warm neutral and WIM is determined by finding 
he temperature at which the number of free electrons is one-half 
he number of hydrogen nucleons in thermal equilibrium. For our 
ooling function, we find this occurs at a temperature of 7105 K. 6 

e set a somewhat arbitrary temperature threshold between the 
IM and WHIM at 2 × 10 4 K, and set the boundary between

he WHIM and the ‘hot’ phase at 5 × 10 5 K. These choices are
esigned to allow the WHIM to encompass the material near the 
eak of the radiative cooling rate 
 ( T ) of interstellar gas in collisional
onization equilibrium at T ∼ 10 5 K (e.g. fig. 8 of Sutherland & Dopita
993 ). 
We find that the phase structure of the outflow is not qualitatively

ifferent between the magnetized and non-magnetized simulations, 
nd that all phases decline rapidly with height in both simulations,
uggesting a fountain type of outflow. Neutral phases dominate 
n the fountain region z � 3 kpc, while ionized gas dominates
t larger heights. The localized peaks and troughs apparent in 
he profiles are of the same order of magnitude as the temporal
ariability in the profiles on ∼ Myr time-scales and we caution 
gainst o v erinterpreting differences between the MHD and non- 
HD simulations. 
 A somewhat higher threshold of 0.9 free electrons per hydrogen yields an 
onization temperature of 1.51 × 10 4 K and does not change our conclusions 
egarding the thermal structure of our simulations. 
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In Fig. 12 , we show the (dimensionless) mass loading factor η,
efined as 

= 

Ṁ wind 

Ṁ SFR 
, (14) 

here Ṁ wind is the mass outflow rate, and Ṁ SFR is the SFR, as a
unction of the SFR Ṁ SFR . The mass outflow rate is the instantaneous
alue, while the SFR is av eraged o v er the previous 10 Myr. Each
oint represents the galaxy-averaged value a simulation output, and 
e compute points for each simulation snapshot (output at � t =
 Myr intervals), excluding times t � 0.2 Gyr. To show that the
rend shown in Fig. 12 is not dominated by the transient burst of star
ormation at the start of the simulation, we show the mass outflow
ate at | z| = 2.0 kpc and the 10 Myr -a veraged SFR as a function of
ime in Fig. 13 ; this illustrates that the ratio of vertical mass flux to
FR undergoes a secular decline with time as the SFR decreases due

o gas consumption, with no qualitative change in behaviour beyond 
he initial 0.2 Gyr period that we exclude. We have also confirmed
hat the qualitative trend shown in Fig. 12 is unchanged if we exclude
he initial 0.4 Gyr rather than 0.2 Gyr, or if we change the averaging
nterval in the range of 10 −100 Myr. 

The colour of the points in Fig. 12 indicates at what galactocentric
eights ±z we computed the mass outflow. We observe a linear trend,
.e. the mass loading factor is roughly proportional to the SFR. This
rend is the same regardless of whether magnetic fields are present
n the simulation (solid boxes correspond to the MHD simulation, 
otted boxes correspond to the hydro simulation). This implies that 
here is an approximately quadratic dependence of mass outflow rate 
n SFR, regardless of the height at which the outflow is measured.
onsistent with the picture of a fountain outflow, the mean trendline

or each set of measurements for various galactocentric heights shows 
hat net mass outflow rate declines with height. This sharply disagrees 
ith the scaling found by Muratov et al. ( 2015 ), who found a linear

elationship between mass outflow rate and SFR (implying a constant 
ass loading factor with SFR; their fig. B1), although they measured

he mass outflow rate at 0.25 R vir ≈ 50 kpc (comoving) and found
 mass outflow rate of ∼10 M �yr −1 at an SFR of 1 M �yr −1 at
edshifts z ∼ 2 −4 for progenitors of Milky Way-mass galaxies. The
MNRAS 521, 5972–5990 (2023) 
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M

Figure 11. The vertical mass outflow rate for each thermal phase as a function of height for the magnetized (left; averaged over snapshots 550–590) and 
non-magnetized (right; averaged over snapshots 550–590) simulations. After averaging each mass outflow curve in time, we apply a linear Savitzky–Golay filter 
with a window size of 3 bins. 

Figure 12. A box plot of the mass loading factor, computed from the 
instantaneous vertical mass outflow rate and the 10 Myr -a veraged SFR, as a 
function of the (10 Myr -a veraged) SFR for the MHD simulation (solid boxes 
and lines) and the hydro simulation (dotted lines and box es). The box es show 

the 25th, 50th, and 75th percentile of the log 10 mass loading factor in a given 
bin of SFR. The blue boxes correspond to the outflow measured at | z| = 

2 kpc, the orange boxes are measured at 4 kpc, and the green are measured at 
8.75 kpc abo v e/below the galactic disk. 
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Figure 13. The vertical mass flux at | z| = 2 kpc and the SFR averaged over 
the previous 10 Myr as a function of time for the MHD simulation. The grey 
band indicates the initial 0.2 Gyr transient period that we mask in our analysis 
of the relationship between outflow rate and SFR shown in Fig. 12 . 
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ignificance of this disagreement is difficult to interpret, since our
imulations are both non-cosmological and much higher resolution
han those of Muratov et al. ( 2015 ), but it is possible that the scaling
roperties of galactic outflows may strongly differ when measured
ear the galaxy versus near the virial radius, or may be a strong
unction of redshift (or gas fraction). 
NRAS 521, 5972–5990 (2023) 
The qualitative trends of our fountain outflows broadly agree with
hose found in the simulations of Kim & Ostriker ( 2018 ) and Kim
t al. ( 2020 ). Ho we ver, we find that the structure of our outflo ws
s significantly more extended in the vertical direction, and that at

1 kpc scales, all phases contribute a net mass outflow on average,
hereas the simulations of Kim & Ostriker ( 2018 ) find that only the

ionized’ and ‘hot’ phases contribute to the net outflow at scales �
 kpc. At a fixed height of ∼2 kpc and a comparable SFR, we also find
 mass loading factor that is approximately an order of magnitude
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reater than found by Kim & Ostriker ( 2018 ) and Kim et al.
 2020 ). This is a significant discrepancy and more work is needed
n order to determine its cause. One possible explanation is that 
ur simulations include a model for ‘pre-supernova’ feedback in the 
orm of photoionization, while Kim & Ostriker ( 2018 ) and Kim et al.
 2020 ) include supernovae as their only form of spatially localized
eedback. A number of authors have found that including pre- 
upernovae feedback can significantly alter the properties of galactic 
inds, by transforming the environment into which supernova energy 

nd momentum are deposited (e.g. Agertz et al. 2013 , Kannan et al.
020 ; Jeffreson et al. 2021 ). Another possible explanation is that the
ocal box geometry of Kim et al. ( 2020 ) does not allow streamlines
o open up, which prevents the outflow from reaching the sonic point
n the classical superwind solution of Che v alier & Clegg ( 1985 ), as
mphasized by Martizzi et al. ( 2016 ). 

Kim et al. ( 2020 ) additionally find a negative trend of mass loading
actor with SFR, although this relationship was obtained by fitting 
odels with significantly varying initial gas surface densities, and 

he same ne gativ e trend is obtained by fitting the mass loading factors
nd the initial gas surface densities of their models (their fig. C1).
t fixed gas surface density, they likewise find a positive power-law 

elationship between mass loading factor and SFR for most of their 
odels, with the strength of this relationship varying with initial gas 

urface density (their Fig. 8 ). We leave a more detailed exploration of
he outflow properties and scalings with galaxy parameters to future 
ork. 

.4 Implications for cosmic rays and radio obser v ations 

ur simulated Galactic magnetic field structure has implications 
or the transport of cosmic rays within and out of the Galaxy. In
any analytic models of cosmic rays in the Galaxy, there is a

istinction between an inner region of ‘tangled’ field lines and an 
uter re gion sev eral kiloparsecs abo v e the Galactic mid-plane with
arge-scale coherent magnetic fields (e.g. in the hydrostatic model 
f Boulares & Cox 1990 , the wind model of Breitschwerdt et al.
991 ; the ‘base radius’ of cosmic ray-driven winds in Quataert et al.
022 ). Our results in Section 4.1 indicate that this transition occurs
t ∼3 kpc. Due to the theoretical uncertainties in the cosmic ray
if fusion coef ficient as used in these models, the resulting predictions
or mass outflow and gamma-ray luminosity (e.g. Lacki et al. 2011 )
annot be used to directly test the magnetic field structure of our
imulations, but our results provide a justification for a ∼3 kpc value
f the launching radius in a cosmic ray-driven wind model of the
alaxy. 
Our results about the vertical structure of the magnetic field may 

e more directly tested via spatially resolved synchrotron emission, 
hich is primarily sensitive to the magnetic field strength. Radio syn-

hrotron observations typically find disk galaxies (of all inclinations) 
o have a scale length of ∼3 −5 kpc (see Beck 2015 and references
herein). Additional comparisons may be made to Galactic polarized 
ynchrotron measurements (e.g. Planck Collaboration XLII 2016 ; 
rachmalnicoff et al. 2018 ). 
Another probe of the magnetic field are the polarized dust emission
aps observed with the Planck satellite (Planck Collaboration XX 

015 ). Assuming the standard radiative torque alignment model 
Davis & Greenstein 1951 ; Lazarian & Hoang 2007 ) and uniform
ust properties across the Galaxy, these maps probe the plane-of-sky 
agnetic field orientation integrated along the line of sight. MHD 

imulations of local volumes of the ISM have been compared to 
he Planck maps (e.g. Planck Collaboration XX 2015 ; Kim et al.
019 ) but comparisons with MHD simulations with star formation, 
upernova feedback, and a global disc geometry are currently lacking. 
he latter may be rele v ant due to the large-scale correlations inferred

n the Galactic magnetic field (e.g. spiral arm structure). As a test
f the realism of our simulations, ho we ver, such comparisons are
omewhat limited by uncertain dust physics. 

Undoubtedly the best observational comparison to our results will 
e the dense forest of quasar and pulsar Faraday rotation measures
bservable with the forthcoming Square Kilometre Array (SKA) to 
e completed in Western Australia (Haverkorn et al. 2015 ). These
easurements of the line-of-sight Galactic magnetic field will enable 

irect tests of MHD simulations of the Galaxy via comparison with
araday rotation maps and, in the plane of the Galaxy, tomographic
apping of the line-of-sight magnetic field. 

 C O N C L U S I O N S  

ur first main result is the ‘layer-cake’ vertical structure of the
agnetic field, evident most prominently in the Alfven Mach number 

nd plasma beta as a function of Galactocentric height (Fig. 4 ).
his structure decomposes into three approximate zones, with an 

nnermost region having a roughly constant Alfven Mach number 
nd plasma beta, an outermost region having a significantly larger 
ut also roughly constant Alfven Mach number and plasma beta, 
nd an intermediate region between 300 pc � | z| � 3 kpc smoothly
onnecting the two with a power-law structure. A similar zonal struc-
ure has been noted in the Galactic synchrotron emissivity, usually 
ith a two-component structure of characteristic heights ∼200 pc 

nd ∼1.5 kpc (e.g. Boulares & Cox 1990 ). Our simulation provides
 theoretical picture that may help explain these observations. 

Our second main result is the order unity effect of magnetic fields
n the SFR (Fig. 2 ). We observe that the SFR is suppressed by
 factor of 1.5 −2 when magnetic fields of strength comparable to
hose observed in the Galaxy are present. Ho we ver, when controlling
or SFR, the mass outflow rate (both total and decomposed by phase)
s indistinguishable between the magnetized and non-magnetized 
imulations (Figs 10 and 11 ). The mass outflow decomposed by
hase is highly stochastic and is difficult to compare with precision
etween the simulations. Future studies are needed in order to 
uantify the residual differences at better than order-of-magnitude 
etween outflows of magnetized and non-magnetized Galactic discs. 

Lastly, we obtain a positive linear correlation between mass 
oading factor and SFR in our simulations when measuring the 

ass outflow on kiloparsec scales abo v e the disc (Fig. 12 ). Previous
ork using a similar supernova feedback model found no correlation 
etween these two quantities for gas-rich discs when measuring the 
ass outflow at significantly larger scales (Muratov et al. 2015 ).
he apparent discrepancy should be examined by future work. In 
earching for a theory of this enhanced mass loading, it may be
roductive to examine the full distribution of gas densities in which
uperno va e xplode as a function of SFR, since this enters as an
xplicit factor in our adopted feedback model (equation 5 ) as a result
f the density dependence of the radiative cooling of supernova 
emnants (Thornton et al. 1998 ). 
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 as undertak en with the assistance of resources and services from
he National Computational Infrastructure (NCI), which is supported
y the Australian Go v ernment. 
The simulations in this work were run at a datacentre using

00 per cent renewable electricity sources. 7 

Software : MATPLOTLIB (Hunter 2007 ), SCIPY (Virtanen et al. 2020 ),
ANDAS (pandas development team 2020 ; McKinney 2010 ), NUMPY

Harris et al. 2020 ), H5PY (Collette 2014 ), SNAKEMAKE (M’older
t al. 2021 ), LIC (Brinkmann 2020 ), MESHOID (Grudic 2019 ), GIZMO

Hopkins 2015 ), GRACKLE (Smith et al. 2017 ). 

ATA  AVA ILA BILITY  

ue to the large volume of data products produced (approximately
.6 terabytes), a limited subset of the raw simulation outputs (and
heir associated processed data products) are permanently archived
s an open-access Zenodo data set (Wibking & Krumholz 2021 ).
wo simulation snapshots at different simulated times ( t ∼ 556 Myr
nd t ∼ 976 Myr) are included from the MHD simulation and
ne simulation snapshot from the hydrodynamic simulation ( t ∼
76 Myr) is included in GADGET -2/ GIZMO HDF5 format, along
ith processed data products from each of the simulation snapshots

n NPZ ( NUMPY array archive) format and visualizations of the
rocessed data products as images in PNG format. Contingent on
he ongoing availability of storage resources, additional simulation
napshots are available upon reasonable request to the authors. 
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PPEN D IX  A :  C O O L I N G  C U RV E  C O M PA R I S O N  

n Fig. A1 , we show the equilibrium temperature and pressure as a
unction of density produced by the Grackle cooling code (version 
.2; Smith et al. 2017 ), as used in this work, and the GIZMO cooling
odule as used in, e.g. the FIRE-2 simulations (Hopkins et al. 

018b ), respectively. 8 The unstable neutral medium is the phase 
or which d P /d n < 0, i.e. where the slope is ne gativ e in the right-
and panel of Fig. A1 ; the stable warm and cold atomic phases
orrespond the regions with d P /d n > 0 on the low- and high-density
ides of this re gion, respectiv ely. We see from the figure that the
rackle cooling curve features an unstable neutral phase between 
80 and 4126 K, corresponding to a gas density of 0.26 and 0.38 H
m 

−3 and pressures of 302 and 866 K cm 

−3 . The FIRE-2 cooling
urve features an unstable neutral phase between 1091 and 8964 K, 
etween densities of 0.02 and 0.06 H cm 

−3 and pressures of 51 and
81 K cm 

−3 for solar neighbourhood FUV irradiation. 
Based on Wolfire et al. ( 2003 ), we expect an unstable phase at

ressures between 1960 and 4810 K cm 

−3 between densities of 0.86 
nd 6.91 H cm 

−3 and temperatures of 258 and 5040 K for solar
eighbourhood ISM conditions. Clearly, neither cooling curve agrees 
uantitatively with expectations. Ho we ver, while for Grackle the 
nstable pressure range is a factor of ∼5 below that computed by
olfire et al. ( 2003 ), for FIRE-2 the discrepancy is a factor of 30 −50.

ndeed, with the FIRE-2 cooling code, the diffuse interstellar medium 

largely shielded from ionization due to young stellar populations) 
f galactic discs will be entirely composed of cold neutral medium, 
ith no stable warm phase at all – with the FIRE-2 cooling, such a
hase exists only for pressures P / k B � 50 K cm 

−3 , which is far below
hose pressures found in galactic discs and instead is more typical of
he circumgalactic medium. 
 The complete source code needed to reproduce these figures is publicly 
vailable in a GitHub repository: https:// github.com/BenWibking/ cooling-cu 
ve-comparison . 

c  

n
i
f  

2  
The source of this discrepancy in the FIRE-2 cooling curve is
he unphysically low grain photoelectric heating rate produced by 
he FIRE cooling module in the neutral atomic ISM. Specifically, 
he photoelectric heating efficiency [as defined by equation (20) of 

olfire et al. ( 2003 )] is 3–4 orders of magnitude too low when
omputed by GIZMO . This is a result of the model used for attenuating
he ionizing flux from the extragalactic UV background, which 
harply cuts off the flux abo v e gas densities of ∼0.0123 cm 

−3 ,
esulting in an unphysically low free electron density of ∼10 −6 

m 

−3 in the warm neutral ISM. In the non-public FIRE-2 radiative
ransfer code, there are additional local photoionizing sources from 

oung stellar populations, which partially mitigates this effect on 
he free electron number (but o v erestimates the photoionizing flux
ue to the optically thin approximation used for radiative transfer). 
o we ver, the dominant source of ionization in the neutral atomic ISM
f the Galaxy is not young stellar populations, but the combination
f stellar EUV emission from old stellar populations (e.g. low-mass 
-ray binaries) and the soft diffuse X-ray background produced 
rimarily by X-ray line emission in supernova remnants (Slavin, 
cKee & Hollenbach 2000 ), with an additional contribution from C 

+ 

onization in regions of high FUV irradiation or high density (Wolfire
t al. 2003 ). These sources are not included in the FIRE-2 ionization
odel. Including these photoionizing sources in models (e.g. Wolfire 

t al. 2003 ) yields a free electron number density in the warm neutral
nterstellar medium consistent with the observationally inferred 
ree electron density in the solar neighbourhood of ≈0.047 cm 

−3 

assuming a hydrogen nucleon density n H = 0.5 cm 

−3 ; section 8.1
f Jenkins 2013 ). 
Grackle version 2.2 does not include a self-consistent attenuation 
odel for UV background radiation, so we did not enable it in our

imulations, and our Grackle cooling calculations are therefore in 
he optically thin limit. As shown by the detailed radiative transfer
alculations of Rahmati et al. ( 2013 ) (c.f. their fig. 3), optically
hin extragalactic ionization remains a good approximation for 
alculating the ionization state of interstellar gas up to densities 
f at least ∼10 cm 

−3 , because the attenuation of the extragalactic
ackground is nearly compensated by an increase in ionizing flux due
o diffuse galactic ionizing sources, although a precise accounting 
ay require a more detailed calculation that both attenuates the 

xtragalactic background and also includes the Galactic soft diffuse 
-ray background (which Grackle does not include and which we 
o not attempt here). The equilibrium number of free electrons per
ydrogen nucleon as a function of gas density for both Grackle and
IRE is shown in Fig. A2 . We note that the Grackle equilibrium

onization predictions are broadly consistent with observations, 
hereas the FIRE equilibrium ionization model is not. 
Ho we ver, the Grackle ionization model is not perfect, and the

ocation of the unstable neutral phase remains discrepant with the 
tandard model of Wolfire et al. ( 2003 ). This discrepancy is likely due
o the imperfect cancellation of the attenuation of the extragalactic 
ackground and the addition of the Galactic soft X-ray background 
as discussed abo v e), plus two additional details of the Wolfire et al.
 2003 ) and Grackle models. First, the Wolfire et al. model strongly
ttenuates the extragalactic photoionizing UV background, such that 
n the Solar Neighbourhood, the extragalactic UV background only 
rovides ∼1 per cent of the total ionization rate, which is probably
oo small for low-density gas, as suggested by the radiative transfer
alculations of Rahmati et al. ( 2013 ). Secondly, the Grackle model
eglects C 

+ ionization (also neglected by the FIRE model), which 
s the dominant source of free electrons at densities � 30 H cm 

−3 

or Solar metallicity gas in the CNM (equation C23; Wolfire et al.
003 ), causing the number of free electrons per H to plateau at
MNRAS 521, 5972–5990 (2023) 
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M

Figure A1. Left: The temperature–density equilibrium cooling curves. Right: The pressure–density equilibrium cooling curves. 

Figure A2. The number of free electrons per H nucleon in ionization 
equilibrium as a function of gas density for both Grackle (Smith et al. 2017 ) 
and FIRE-2 (Hopkins et al. 2018b ) cooling. 
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 value of approximately 2 × 10 −4 under Solar Neighbourhood
onditions. As shown in Fig. A2 , while Grackle (unlike FIRE)
roduces a qualitatively reasonable estimate for the free electron
bundance at densities of ∼30 − 100 H cm 

−3 , does not correctly
eco v er the plateau behaviour of the real ISM, because it does not
nclude C 

+ . 
NRAS 521, 5972–5990 (2023) 
Since the photoelectric heating efficiency scales as the free electron
umber density to the 0.73 power (equation 20 of Wolfire et al.
003 ), the ionization state can therefore make a difference of many
rders of magnitude in the photoelectric heating rate. Due to this
f fect, in the dif fuse interstellar medium (which should be far from
onizing radiation produced by young stellar populations), the FIRE-
 cooling model transitions between the warm and cold neutral
hases at pressures and densities that are several orders of magnitude
oo low. In light of this qualitatively incorrect thermal structure, all
onclusions regarding the thermal state of the interstellar medium in
he FIRE-2 simulations (e.g. Gurvich et al. 2020 ; Pandya et al. 2021 )
hould be critically re-examined. 

PPENDI X  B:  SI MULATI ON  PROFILES  

n Fig. B1 , we show the gas and magnetic scale heights
f the MHD simulation at the intermediate ( t ∼ 550 Myr)
nd the final snapshot ( t ∼ 1 Gyr). We compute the scale
eight z 0 as 

 0 = 

∫ 
d z | z | ρ( z ) ∫ 

d z ρ( z) 
, (B1) 

hich exactly coincides with the exponential scale height z 0 for the
ase of an exponential profile ρ( z) = ρ0 e −z/z 0 . The magnetic scale
eight is computed in a precisely analogous way, using the magnetic
eld strength profile | B ( z) | . 
In Fig. B2 , we show the total gas surface density of the MHD

imulation at the intermediate ( t ∼ 550 Myr) and final snapshots ( t
1 Gyr). 
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Figure B1. The gas and magnetic scale heights of the MHD simulation at time t ∼ 560 Myr and t ∼ 1 Gyr. 

Figure B2. The gas surface density of the MHD simulation at time t ∼ 560 Myr and t ∼ 1 Gyr. 
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PPEN D IX  C :  DEFINITION  O F  T H E  G A S  

ELOCITY  DISPERSION  A N D  RELATED  

UANTITIES  

wo of the quantities we compute in Section 4.1 – the Alfv ́en
ach number and the turbulent pressure – depend on the rms 

urbulent velocity of the gas. This not an entirely straightforward 
uantity to compute, because it depends on how we separate the 
elocity field into mean field and turbulent components. In Cartesian 
eometry this separation is often accomplished via a decomposition 
n Fourier space, but such an approach would not work in the
ylindrical geometry of our simulation. More generally, unlike in 
he periodic boxes analysed most often in the turbulence literature, 
ur system possesses large-scale gradients – for example variation 
f the galactic rotation speed with radius and height – that preclude 
 completely clean separation of the variation into large-scale and 
urbulent components. 

Giv en this comple xity, we adopt a definition of turbulent velocity
hat is appropriate for regions near the disc of the galaxy, where
he velocity field can reasonably be described as ordered orbital 

otion plus a turbulent perturbation on top of it. We therefore
efine the turbulent velocity δv by examining the variation of 
he velocity in azimuth φ at a given galactocentric radius R and
eight z: 

v i ( R, z, φ) = v i ( R, z, φ) − 〈 v i ( R, z, φ) 〉 φ , (C1) 

here i denotes a velocity component in the set { R , z, φ} and 〈
〉 φ denotes an average over azimuthal angle φ. The rms velocity
MNRAS 521, 5972–5990 (2023) 

art/stac2648_fB1.eps
art/stac2648_fB2.eps


5990 B. D. Wibking and M. R. Krumholz 

M

fl

δ

 

t  

W  

r  

w  

a

T

uctuation δv is then computed as 

v ( R , z) = 

√ 

〈 δv 2 R 〉 φ + 〈 δv 2 z 〉 φ + 〈 δv 2 φ〉 φ . (C2) 

For the purposes of computing the Alfv ́en Mach number, we use
his method to estimate the turbulent velocity vector δv at every point.

e then compute the ratio | v A | / | δv | before averaging in space; the
NRAS 521, 5972–5990 (2023) 
esult is our estimate for the mean Alfv ́en Mach number. Similarly,
e compute the turbulent pressure at every point as ρ| δv | 2 , and

verage this quantity to obtain the mean turbulent pressure. 
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